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ABSTRACT
In the last years, advances in solar observation provided by large improvements in
the spatial, spectral and temporal resolution, have permitted the ground-based observatories to overcome the atmospheric seeing effect and obtain diffraction limited
observations. Taking advantage of this new scenario of solar observations, we present
an investigation of the magnetic structures of an arch filament system by using the
Stokes profiles of the Si i 10827 Å line and He i 10830 Å triplet. The Stokes profiles
are observed with GRIS spectrograph installed at the 1.5 m GREGOR telescope.
We observed an emerging flux region over the NOAA AR 12252, with flux tubes
emerging through the photosphere into the chromosphere. In the chromosphere it is
identified as an arch filament system, with dark filaments, crossing the polarity inversion line, and connecting the footpoints of opposite polarity. The Doppler analysis
of the He i 10830 Å triplet presents supersonic downflows of more than 40 kms−1 at
the footpoints. The supersonic velocities are observed employing two different components for the He i, that presents subsonic and supersonic downflows in the same
resolution element. The downflows result from the upward motions of new emerging
flux tubes, that lead the photospheric material to higher layers close to the center of
the filament. The upflows reach more than 1 kms−1 in the filament center. Then, the
material flows down from the upper chromosphere to the photosphere, along with
the field lines, reaching the chromospheric footpoint with supersonic velocities. The
inversion of full-Stokes is performed with the HeLix+ code for both photosphere
and upper chromosphere. We analyze the properties of the atmospheric parameters retrieved from the spectropolarimetric observation and provide a description of
the magnetic structure of the emerging flux region and arch filament system. The
magnetic structure are analyzed by using the azimuth ambiguity correction, polarity inversion line determination, magnetic loops reconstruction and linear force-free
extrapolation.
Keywords: Solar chromosphere. GREGOR telescope. Arch filament system. Emerging flux region. Spectropolarimetry.
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ESTUDO DE ESTRUTURAS MAGNÉTICAS DE UM SISTEMA DE
FILAMENTO DE ARCO NA FOTOSFERA E CROMOSFERA

RESUMO
Nos últimos anos, os avanços nas observações solares promoveram grandes melhorias
nas resoluções espacial, espectral e temporal, permitindo que os observatórios em
terra superassem o efeito do seeing atmosférico e alcançassem observações no limite
da difração. Utilizando deste novo cenário de observações solares, nós apresentamos
uma investigação das estruturas magnéticas de um sistema de filamentos de arco,
fazendo uso dos perfis de Stokes da linha do Si i 10827 Å e do tripleto He i 10830 Å.
Os perfis de Stokes são observados com o espectrógrafo GRIS instalado no telescópio
GREGOR de 1.5 m. Foi observado uma região de emergência de fluxo sobre a região
ativa NOAA AR 12252, com tubos de fluxo emergindo através da fotosfera para a
cromosfera. Na cromosfera essa região é identificada como um sistema de filamento
em arco, com filamentos cruzando a linha de inversão de polaridade e conectando aos
ponto base de polaridade oposta. A análise da velocidade Doppler para o tripleto He i
10830 Å apresenta fluxo supersônico descendente que alcançam mais de 40 kms−1
nos pontos base. As velocidades supersônicas são observadas empregando duas componentes atmosféricas para o He i, que apresenta fluxos descendentes subsônicos
e supersônicos no mesmo elemento de resolução. Os fluxos descendentes resultam
do movimentos ascendente dos novos tubos de fluxo emergentes, que conduzem o
material da fotosfera para camadas mais altas, próximas ao centro do filamento.
Os fluxos ascendentes alcançam mais de 1 kms−1 no centro de filamentos. Dessa
forma, o material flui da cromosfera superior para a fotosfera, junto com as linhas
de campo, alcançando o ponto base na cromosfera, com velocidades supersônicas. A
inversão dos parâmetros de Stokes é realizada com o código HeLix+ para as linha Si i
e tripleto He i. Analisamos as propriedades dos parâmetros atmosféricos recuperados da observação espectropolarimetricas e fornecemos uma descrição da estrutura
magnética da região de emergência de fluxo e do sistema de filamentos de arco. As
estruturas magnéticas são analizadas fazendo uso da correção de ambiguidade do
azimute, determinação da linha de inversão de polaridade, reconstrução dos arcos
magnéticos na cromosfera e extrapolação linear livre de força.
Palavras-chave: Cromosfera Solar. Telescópio GREGOR. Sistema de filamentos de
arco. Regiões de emergência de fluxo. Espectropolarimetria.
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Doppler velocity map for the fast component of the He i 10830 Å. The
components were computed with double Voigt profiles. The prevalence of
redshift is imposed by the range defined in the input parameters, in order
to fit only the downflows. In the main panel, the black line contours the
filaments and the white outlines the supersonic downflows. The dual flow
is not present in the full map, but mainly in the regions with supersonic
flow, as presented in Figure 6.3. The outer panels present the footpoints
where we found the supersonic flows. The black line in the outer panels
detaches where the dual flow are present ("I" refers to inside, and "O" to
outside). . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
Doppler velocity map for the photosphere computed for the Si i line.
The red color corresponds to the downflows and blue to the upflows.
The black contours comprise the filaments, and the blue ones outline the
supersonic downflow observed in the chromosphere. . . . . . . . . . . .
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6.8

6.9

7.1

7.2

Histogram distribution of the Doppler velocities for the filament 1 (top)
and filament 2 (botton). The red filled histogram comprises the downflow,
and the blue one involves the upflow, which can be seen only in the
filament 1. The gray dashed line separates the sub and supersonic flows.
The blue line is the Gaussian distribution with center = 1.85 kms−1 and
FWHM = 4.56 for the filament 1, and center = 2.08 kms−1 and FWHM
= 5.00 for the filament 2. . . . . . . . . . . . . . . . . . . . . . . . . . . 100
(a) Selected profiles crossing a filament, and the two footpoints. The ten
profiles are one pixel shifted, side by side, to cover the full filament. The
background panel is the Doppler velocity for a single Voigt profile. (b)
The Doppler velocity profiles along the ten selected lines for a single
component (blue) and the fast component of the double Voigt model
(red). The gray lines are the extension of the fast component (red), and
it needs to be rejected, due to the large fitting error. The bottom gray
dashed line departs the downflow to the upflow, and the second gray line
separates the sub and supersonic downflows. The dashed box “1” shows
the region where we find upflows, and the box “2” highlight the region
we find a small region similar to a footpoint. . . . . . . . . . . . . . . . . 102
Selected points to represent the full Stokes inversion for the Si i 10827 Å
He i 10830 Å and Ca i 10839 Å. The background is the second frame of
the Stokes I/Ic in the center of the He line. The Point 1 is placed in the
center of the leading sunspot umbra. The point 2 is in the center of the
first filament. The point 3 is placed in a border of the first filament. The
point 4 in the surrounding region between the filament 1 an 2. . . . . . . 105
Stokes profiles for the full spectral range observed with GRIS over the
umbra of the leading sunspot (point 1 of Figure 7.1). The black points
represent the observed spectrum, and the red line is the best fit obtained
with the HeLix+ inversion code. The vertical gray dashed lines are, from
the left, the Si i 10827 Å the He i 10830 Åa,b,c triplet, and the Ca i
10839 Å. The blue dashed line outlines the telluric line recovered to be
excluded from the He red component. The magnetic field retrieved for
the photosphere using the Si line is B ≈ 1960 G, γ ≈ 13◦ , and χ ≈ −87◦ .
For the upper chromosphere the magnetic field recovered is B ≈ 971 G,
γ ≈ 3◦ , and χ ≈ −79◦ . The full parameters are described in Table 7.1 . . 107
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7.3

7.4

7.5

7.6

Stokes profiles for the full spectral range observed with GRIS over the
center of the first filament (point 2 of Figure 7.1). The black points
represent the observed spectrum, and the red line is the best fit obtained
with the HeLix+ inversion code. The vertical gray dashed lines oare,
from the left, the Si i 10827 Å the He i 10830 Åa,b,c triplet, and the
Ca i 10839 Å. The blue dashed line outlines the telluric line recovered to
be excluded from the He red component. The magnetic field retrieved for
the photosphere using the Si line is B = 734 G, γ = 32◦ , and χ = 75◦ .
For the upper chromosphere the magnetic field recovered is B = 436 G,
γ = 80◦ , and χ = 27◦ . The full parameters are described in Table 7.2 .
Stokes profiles for the full spectral range observed with GRIS in a border
of the first filament (point 3 of the Figure 7.1). The black points represent
the observed spectrum, and the red line is the best fit obtained with the
HeLix+ inversion code. The vertical gray dashed lines are, from the left,
the Si i 10827 Å, the He i 10830 Åa,b,c triplet, and the Ca i 10839 Å. The
blue dashed line outlines the telluric line recovered to be excluded from
the He red component. The magnetic field retrieved for the photosphere
using the Si line is B = 735 G, γ = 71◦ , and χ = 30◦ . For the upper
chromosphere the magnetic field recovered is B = 509 G, γ = 74◦ , and
χ = 17◦ . The full parameters are described in Table 7.3 . . . . . . . . .
Stokes profiles for the full spectral range observed with GRIS in the
surrounding region between the first and second filament (point 4 of the
Figure 7.1). The black points represent the observed spectrum, and the
red line is the best fit obtained with the HeLix+ inversion code. The
vertical gray dashed lines are, from the left, the Si i 10827 Å, the He i
10830 Åa,b,c triplet, and the Ca i 10839 Å). The blue dashed line outlines
the telluric line recovered to be excluded from the He red component. The
magnetic field retrieved for the photosphere using the Si line is B = 616
G, γ = 104◦ , and χ = 1◦ . For the upper chromosphere the magnetic field
recovered is B = 33 G, γ = 101◦ , and χ = 0◦ . The full parameters are
described in Table 7.4 . . . . . . . . . . . . . . . . . . . . . . . . . . .
Maps of all the parameters retrieved from full-Stokes for the photosphere,
using the Si i 10827 Å line. (a) The magnetic field Strength (B), (b) the
azimuth angle (χ), (c) the incination angle (γ), (d) the Doppler velocity
(vLOS ), (e) the Doppler width (∆λD ), (f ) the gradient of source function
(S1), (g) the opacity ratio between spectral line center and continuum
(η0 ) and (h) the damping factor (a). . . . . . . . . . . . . . . . . . . .
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7.7

Maps of all the parameters retrieved from the inversion of full-Stokes,
observed in upper chromosphere using the He i 10830 Å line. (a) The
magnetic field Strength (B), (b) the azimuth angle (χ), (c) the incination
angle (γ), (d) the Doppler velocity (vLOS ), (e) the Doppler width (∆λD ),
(f ) the gradient of source function (S1), (g) the opacity ratio between
spectral line center and continuum (η0 ) and (h) the damping factor (a).
7.8 LOS magnetic field component for the chromosphere (top) and photosphere (bottom). The black contours are the filaments, the white solid
line contours the sunspot umbras and pores, and the white dashed line
outlines are the penumbral region. In the background, the red color represents the outward magnetic field (positive, in the direction of the observer), and the blue denotes the inward magnetic field (negative). In the
chromosphere, the region surrounding the AR present a week field. The
same week field is found in the BLOS component of the filament fields
due to the high transverse field found in the filament. . . . . . . . . . .
7.9 Histogram of the magnetic field strength distribution inside each filament,
in the upper chromosphere (top) and photosphere (bottom), highlighted
in Figure 7.8. The blue curve outlines a Gaussian distribution with center
and FWHM displayed in the upper right position of each panel. The yaxis is the histogram density that is fixed for all the plots, based on the
distribution with the highest peak. The binsize is 50 G. . . . . . . . . .
7.10 Histogram of the inclination angle distribution inside each filament, in
the upper chromosphere (top) and photosphere (bottom), highlighted in
Figure 7.8. The blue curve outlines a Gaussian distribution with center
and FWHM displayed in the upper right position of each panel. The yaxis is the histogram density that is fixed for all the plots, based on the
distribution with the highest peak. The binsize is 5◦ . . . . . . . . . . .
7.11 Histogram distribution of the azimuth angle in the upper chromosphere
over each filament, in the upper chromosphere (top) and photosphere
(bottom), highlighted in Figure 7.8. The blue curve outlines a Gaussian
distribution with center and FWHM displayed in the upper right position
of each panel. The y-axis is the histogram density that is fixed for all the
plots, based on the distribution with the highest peak. . . . . . . . . .
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7.12 Scatter plot of the LOS magnetic field in the chromosphere vs the LOS
magnetic field in the photosphere for the region inside of the filaments
contoured in the in Figure 7.8. The red line is the interpolation of the
BLOS field distributions, considering always crossing the (0,0) coordinate, so BChrom = sBP hoto , where s is the slope, and hsi = 0.36. The
LOS field components has a high correlation between photosphere and
chromosphere (hRi = 0.843). . . . . . . . . . . . . . . . . . . . . . . . .
7.13 LOS-Magnetic field for the photosphere obtained with the full Stokes
inversion. The black lines are the Polarity inversion lines (PIL) for the
photosphere, and the wider black line is the main PIL that is associated
with the filaments. . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
7.14 Inclination error for the PIL performed in Figure 7.13, on the photosphere. The angular error is less than 2°. . . . . . . . . . . . . . . . . .
7.15 LOS-Magnetic field for the chromosphere obtained with the inversion of
full Stokes. The black lines are the Polarity inversion lines (PIL) for the
chromosphere, determined by using Butterwolf low-pass filter, histogram
equalization, and edge detection. The broadest black line is the main PIL
that is associated with the filaments. . . . . . . . . . . . . . . . . . . .
7.16 Inclination angular error for the PIL performed in Figure 7.13 for the
chromosphere. The angular error is less than 2° for most of the data.
However, in the final PIL points, the error increases due to the faint
Stokes V intensity for the He i 10830 Å when the magnetic field strength
is low. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
7.17 Projection of the vector magnetic field B onto the local frame. The γ is
the inclination angle of B with respect to the line-of-sight (LOS). The χ
is the azimuth angle of B projection in the x − y plane with respect to
the x-axis. Positive azimuth angle is counterclockwise. . . . . . . . . . .
7.18 Magnetic field azimuth for the photosphere obtained with inversion of
the Si i 10827 Å line. The arrows indicate the direction of the magnetic
field perpendicular to the LOS plane. The background color is the LOS
magnetic field strength . . . . . . . . . . . . . . . . . . . . . . . . . . .
7.19 Magnetic field azimuth for the photosphere obtained from the SDO/HMI
data, using the MERLIN inversion code and AZAM utility for the 180°
ambiguity solution. The HMI image is transposed and inclined in relation
to Figure 7.18 due to the scan geometry presented in Figure 4.1. The
background color is the LOS magnetic field strength. . . . . . . . . . .
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7.20 Magnetic field azimuth for the chromosphere obtained with inversion of
the He i 10830 Å triplet. The arrows indicate the direction of the magnetic
field perpendicular to the LOS plane. The azimuth ambiguity was solved
using the SFQ method we modified for the chromosphere. . . . . . . .
7.21 (a) Scatter plot between the inclination angle of the magnetic field vector
in the photosphere and chromosphere. The angles were taken along the
profiles over the filament presented in the map (b). Representation of 20
profiles, side by side, 1 pixel shifted, covering the full filament. All the
profiles are presented in panel (c), where the black lines delineate the
chromospheric profiles and the red lines the profile over the photosphere.
The Pearson correlation between the inclination of both layers, over the
filament, was R = 0.956, and the inclination angle in chromosphere is
shifted by 6.95◦ from the one in the photosphere. The large R and the
shifted angle permit us to perform the analysis of the formation height
difference between Si and He lines . . . . . . . . . . . . . . . . . . . . .
7.22 Stokes V profiles along one of the 20 lines presented in Figure 7.21. The
vertical dashed lines delimit the Si and He spectral lines. The amplitude
of the He profile was multiplied by 3 to improve the visualization. The
blue line represents the neutral line for the photosphere and the red line,
the neutral line for chromosphere. The inner box displays the neutral
lines over the Stokes V map. The letter "L" denotes the leading sunspot
and "T" the trailing ones. The distance between both neutral lines is
∆dN L = 1.82”, equivalent to about 1320 km. . . . . . . . . . . . . . . .
7.23 Map of the coefficient ratio of the He i 10830 Å line core to continuum
absorption (η0 ) retrieved from the inversion process. The black line contours the filament regions. The η0 becomes larger in some regions of the
He filament structure, mainly in the first one, which confirm a larger
opacity in these regions. . . . . . . . . . . . . . . . . . . . . . . . . . .
7.24 Reconstruction of the magnetic loops over AFS region, based on direct
measurement of the magnetic vector of the upper chromosphere, observed
with the He i 10830 Å. The loops connect the footpoints of inverse polarities with a width of five pixels, side by side, starting from the positive
footpoint. The gray lines are the loop projection in the XZ and YZ plane
and can indicate the estimated height (in Mm). The height reconstruction is based in the inclination angle and spatial dispersion along the
pixel path connecting the footpoints. . . . . . . . . . . . . . . . . . . .
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7.25 Three dimension view of the of the linear force-free field. The background
is the LOS magnetic field component. The linear force-free extrapolation
is estimated by using the Bz component of the photospheric magnetic
field computed with the Helix inversion code for the Si i 10827 Å line.
The field lines are placed over the arch filament system, with the magnetic
field associated with the large-scale main bipolar magnetic field of the
active region, connecting the region between the leading sunspot and the
trailing pores. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 144
7.26 Sketch of the magnetic field structure and Doppler velocities in the observed filament system and the emerging flux region. The bottom panel
represents a cutout of the photospheric level, based on the magnetic field
observation of the Si I 10827 Å line, and the top panel the upper chromospheric level, based on the observation of the He I 10830 Å. The white
and dark ellipses indicate the region of positive and negative polarity,
respectively. The dashed line, in the top panel, represents the PIL that
separates the region of positive and negative polarities. The helical arch
connecting the opposite polarities in the upper chromosphere represents
the flux rope that supports the filament. The red and blue shaded areas
arrows above the flux rope indicate the Doppler velocity as downflows
(redshift) and upflows (blueshift) observed in the upper chromosphere.
The presence of upflows (blue arrows) indicates the arch filament is expanding in the direction of the observer. The triple arrows close to the
filament footpoint designate the supersonic downflow observed in the
Doppler maps of the helium line. In the photosphere, the footpoints with
opposite polarity move apart from each other, as designated by the green
arrows. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 146
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1 Introduction
The magnetic field strength in the solar surface varies according to the solar feature.
In the poles, the magnetic field is in the order of 1 G (HOWARD, 1972). In smaller
magnetic structures like plages, the field intensity is about 200 G (PILLET; VAZQUEZ,
1993), and in large scale features, like in prominent sunspots, the field strength can
reaches more than 3 kG (PILLET et al., 1997) at photospheric levels.
Since the studies and observations reported by Schwabe (1843), it is established that
sunspot number observed in the solar surface follow a cycle of 11 years, called solar
cycle. In 1896, the Dutch physicist Pieter Zeeman confirmed the investigations made
by Hendrik Antoon Lorentz that spectral lines split into polarized components in the
presence of a magnetic field (ZEEMAN, 1897). In 1908, George Ellery Hale (HALE,
1908) found that some solar spectral lines seems to be widened, splited, and polarized, and then concerned an explanation for the observed sunspot spectrum: the
presence of strong magnetic fields in sunspots. Since that Nobel discovery, understanding the magnetic structures of the wide range of solar features has been one of
the main challenges in the astrophysics.
The development of the solar magnetograph by Horace Babcock and Harold Babcock
at the Hale Solar Laboratory (BABCOCK, 1953), permitted the observation of the
longitudinal magnetic field by computing the circular polarization. The Babcock’s
magnetograph significantly increased the spatial resolution of the magnetic field
observations, from one arcmin to few arcsec.
After many improvements in the observational techniques, the previously hidden
magnetic features, have become measurable, but most of the magnetic structures are
until now unsolved. The first observational report of small-scale magnetic features
(in the order of 1") was performed by Sheeley Jr. (1967) using the 80 cm telescope
at the Kitt Peak National Solar Observatory. Nowadays, the best spatial resolution
for the full stokes observation reaches about 80 km.
In the last decades, a significant improvement in the spatial resolution was derived
from the use of Adaptive Optics (AO), permitting the ground-based observatories
to overcome the atmospheric seeing effect and obtain diffraction limited observations. The first solar observation using AO system was performed at the Dunn Solar
Telescope by Hardy (1980). In the last decade, AO systems have been deployed at
major ground-based solar telescopes.
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Taking advantage of this new scenario of solar observations, the main objective
of this work is to study the magnetic structures of the emerging flux region in
the photosphere, and the arch filament system in the chromosphere, by using the
Stokes profiles of the Si i 10827 Å line and He i 10830 Å triplet. The Stokes profiles
are observed with GRIS spectrograph installed at the 1.5 m GREGOR telescope.
We observed an emerging flux region over the NOAA AR 12252, with flux tubes
emerging through the photosphere into chromosphere. In the chromosphere it is
identified as an arch filament system, with dark filaments, crossing the polarity
inversion line, and connecting the footpoints of opposite polarity. We aim to interpret
the properties of the atmospheric parameters retrieved from the spectropolarimetric
observation, to provide a description of the magnetic structure of the observed arch
filament system.
The present Chapter provides a brief introduction of the emerging flux region, the
arch filament system and the filaments in the chromosphere. Chapter 2 presents a review of the spectropolarimetry and the main methodology used in this work. Details
of the GREGOR telescope and the GRIS spectrograph operation are introduced in
Chapter 3. The observed dataset and all the data reduction and pre-processing are
explained in Chapter 4. The main aspects of the observed arch filament system and
its temporal evolution is described in Chapter 5. The determination of the Doppler
velocity field in the photosphere and chromosphere is accomplished in Chapter 6.
The retrieval of the magnetic field vector from the Stokes profiles is detailed in
Chapter 7. By the end, the conclusion of the work is presented in Chapter 8.
1.1

Emergence flux region

In order to study the magnetic structure of the arch filament system, observing
different solar layers, we need to understand how the magnetic field raises from the
solar surface and evolve until develop the dark filaments seen in the chromosphere.
To achieve this goal, the study of Emergence flux region is an essential point.
The study of the flux emergence starts assuming that bipolar magnetic flux emerges
on the solar surface, resulting from the plasma rising from the tachocline into the
overlying atmosphere. This mechanism was first described by Parker (1955) to explain the formation of sunspots (details of the Parker mechanism is described in the
next subsection).
According to Priest and Krishan (1990), the solar magnetic dynamo is the physical
process that continually generates the magnetic fluxtubes that emerge in the pho2

tosphere, adding new magnetic flux systems to the chromosphere and corona layers.
By definition, the flux emergence consists of magnetic field reaching the atmospheric
layers from the solar interior (CHEUNG; ISOBE, 2014).
The magnetic flux emergence in the photosphere appears with an ample range of
scales. The smallest scale is the little granular magnetic loops (with a magnetic
flux in the order of 1016 Mx). The ephemeral regions that appear in the interior of
supergranules present a flux of 1019 Mx, and active regions that can reaches fluxes
up to 1023 Mx (PRIEST, 2014).

Figure 1.1 - Model for the Emerging flux region (EFR). The large arrows present the flux
tube motion (expanding), the solid lines are the flux tubes and the dashed
line the magnetic field orientation. The magnetic flux emerges as a set of flux
tubes expanding through the convection zone. The pores and sunspots form
as a consequence of the successive flux bundles emergence at the surface.

SOURCE: Zwaan (1985)

A representation model for the emerging flux region was created by Zwaan (1985),
Zwaan (1978), as presented in Figure 1.1. The large arrows present the flux tube
motion and the arrows over the dashed line indicate the field line orientation. The
magnetic flux emerges as a set of arched flux tubes expanding through the convection
zone. In the convection zone, the flux tubes connect to the same origin. As it rises,
and reaches close to the surface, the flux tends to separate from each other.
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The dark spots in the model correspond to positions where the flux tubes emerge at
the solar surface. This region was represented as a dark color, once it is also dark in
the observed map. This happens due to the horizontal magnetic fields that suppress
the turbulent heat exchange. Once the top of each tube has emerged, the footpoints,
in the surface, separate from each other, while the vertical magnetic field at these
points starts to increase fast.
The coalescence of the footpoints increases the vertical magnetic flux in both polarities and can lead to a flux large enough to be accumulated, culminating in the
formation of small pores, or even large sunspots.
1.1.1

Magnetic buoyancy

The solar magnetic dynamo continually makes conditions for the emergence of magnetic flux in the photosphere. According to Schrijver and Zwaan (2000) these emerging flux regions (EFRs) are mainly in the form of magnetic flux tube, which rises
from the tachocline (base of the convective zone) to the solar surface, where they
can generate more complex structures, such as sunspots.
The magnetic field emerges the solar surface by the phenomenon called magnetic
buoyancy, and was first described by Parker (1955). A brief description of the magnetic buoyancy is presented along the present Section.
Considering a horizontal magnetic flux tube within the solar plasma medium. The
magnetic pressure in the flux tube is
pm =

B2
,
2µ

(1.1)

where B is the magnetic field strength, and µ is the magnetic permeability.
The diffusion equation is given by
∂B
= νm ∇2 B,
∂t

(1.2)

where νm is the magnetic viscosity. Supposing the medium is a good conductor, then
νm becomes so small that
∂B
≈ 0.
(1.3)
∂t
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Therefore, the magnetic field does not diffuse through the medium. Hydrostatic
equilibrium requires that the magnetic pressure (pm ) stays balanced by the gas
pressure outside the flux tube (pe , external pressure). If pi is the gas pressure inside
the tube, then
pe = pi + p m .
(1.4)
From the Equations (1.2) and (1.4), pe becomes
pe = pi +

B2
2µ

(1.5)

The magnetic pressure (pm ) is always positive, then by the Equation (1.4) we can
conclude that pi < pe . Supposing the internal gas is under the same temperature
as the one outside (Ti = Te ), then we can assume that the internal tube density is
smaller than the external density (ρi < ρe ). Hence, the flux tube will attempt to
rise; this is the called magnetic buoyancy.
Assuming a flux tube of cross-sectional area A, the buoyant force will be given by
g (ρe − ρi ) A. The magnetic tension force is AB 2 /2µ. Consider a flux tube of length
L clamped at both ends. If the flux tube can rise, we must require that the buoyant
forces exceed the tension at the end of the length. Thus, it must satisfy the relation
Lg (ρe − ρi ) A >

2AB 2
.
2µ

(1.6)

The internal and external pressure are given, respectively, by
pi =

kT ρi
,
m

(1.7)

pe =

kT ρe
,
m

(1.8)

where m is the mass of an individual gas molecule and k is the Boltzmann’s constant.
The temperature T is equal for both inside and outside the flux tube.
Applying the Equation (1.7) and (1.8) to the Equation (1.5), the last can be written
as
kT ρe
kT ρi B 2
=
+
,
(1.9)
m
m
2µ
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and,
ρe = ρi +

m B2
.
kT 2µ

(1.10)

Using the relation (1.6) and the Equation (1.10), then
!

2AB 2
m B2
A>
,
Lg
kT 2µ
2µ
L>2

kT
.
mg

(1.11)

(1.12)

The Equation (1.12) shows that the magnetic buoyancy is effective over any flux
tube with the length exceeding twice the medium scale height.
The buoyant force per unit of volume is given by
Fb =

mg B 2
kT 2µ

(1.13)

In this way, a long horizontal flux tube will never be in static equilibrium. Once Fb
is large enough not to be overwhelmed by other motions, such as turbulence, the
flux tube will rise.
1.2

Arch filament system

The EFR emerges from the tachocline to the photosphere by the buoyancy mechanism, generating pores and sunspots by the coalescence of footpoints, as presented in
Figure 1.1. The magnetic flux of EFRs can reach very high heights. When the magnetic flux emerges to the chromosphere, they look like filamentary systems, which
connect two regions of opposite magnetic polarity, crossing the polarity inversion
line (PIL). Bruzek (1967) reported these filamentary systems for the first time by
observing the Sun with Hα and called them Arch Filament System (AFS).
Schmieder et al. (1991) proposed a formation mechanism for the AFS called leaky
bucket model, based on the equation of motion for a fluid element falling freely
along the field line (MEIN et al., 1996). When new flux emerges to the chromosphere,
the material located in the top of the filament drains along the legs. With the
material declining, the dark thread of AFS can get empty in few minutes. However,
new loops with the condensed dark material can be formed again, so that the full
chromospheric emergence can last for several hours or days. With the formation of
6

new arch filaments, the old loops expand and can reach coronal heights (SPADARO
et al., 2004). The model is still now the most accepted for the formation mechanism
of AFS (SU et al., 2018).
The AFSs are observed in the strong chromospheric absorption lines, like the Hα
line and in the line core of the Ca ii H K lines (BRUZEK, 1969). In the last years,
with the significant advances in the spectropolarimetry, the AFS were also observed
with the He i 10830 Å triplet (e.g., Solanki et al. (2003), Lagg et al. (2004), Lagg et
al. (2007), Xu et al. (2010), Manrique et al. (2018)
Using Hα filtergrams, Bruzek (1969) determined that the length of the arch filaments can reach the size of supergranular network cells (20 – 30 Mm). The width
of the filament comprehends few megameters, with a height between 5 and 15 Mm
(MERENDA et al., 2011). Solanki et al. (2003) reported downflows in the footpoints,
with velocities from 30 to 50 kms−1 , and upflows in the center of the arch.
1.3

Solar filaments

Prominences are amazing objects of great beauty whose formation, basic structure
and eruption represent one of the basic unsolved problems in Solar Physics (PRIEST,
1989).
The term prominence refers to a large magnetic structure filled with plasma seen
in corona, with lengths between 60 and 600 Mm (TANDBERG-HANSSEN, 1995). The
prominences are usually bright features above the solar limb when observed in chromospheric spectral lines (SCHRIJVER; ZWAAN, 2008). The same magnetic structure,
when seen in the solar disk, looks dark elongated features and are called filaments.
Both terms, prominence or filament, are conventionally used to describe the same
magnetic structure in the solar atmosphere.
The filaments can be classified into two main groups, the quiescent (QS) filaments,
and the active region (AR) filaments. The QS filaments are one of the most studied
structures in the Solar physics and are found in the quiet Sun or at the boundary of
an active region (called intermediate prominence). In the quiet Sun, the QS filaments
may present a much thicker and longer shape. They are typically more stable than
the AR ones and have lifetimes that can reach several months.
On the other hand, the AR filaments are placed inside active regions and are much
smaller than the QS filaments, with a length of about 10 Mm and height below 2.5
Mm. The temperature is similar to the QS one, but the density is slightly larger
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(usually larger than 1017 m−3 ). The magnetic field is stronger, commonly from 20
to 70 G. However, it can be much stronger. Observations of Kuckein et al. (2009),
Guo et al. (2010) in Tenerife result in longitudinal fields in filaments of 100 to 200
G and transverse fields of 500 to 600 G, implying a total field strength of 600 to 700
G.
There is a third group of filaments that is called polar crown (PC) filaments as
observed by Cartledge et al. (1996). They are found at high latitudes and usually
form a crown around the pole. The Figure 1.2 shows the Solar chromosphere observed
in the H-alpha by the Big Bear Solar Observatory (BBSO) on June 13, 1999. We
can see in the solar disk the dark QS and AR filaments (inside the active region) and
also the polar crow (PC) filament. In the solar limb, we can see the prominences,
where the largest one seems to be related with the PC filament.
The filament arrangement consists of three main structural components: the spine,
barbs and two footpoints (MACKAY et al., 2010). The spine is the central part, as a
long and horizontal body running along the top of the filament. It extends over the
magnetic polarity inversion line. Barbs project from the sides of the spines and make
an acute angle to the filament axis (MARTIN et al., 1992). When the prominence is
close to the limb, barbs are seen to extend down from the spine in the direction of
the photosphere (LIN et al., 2008). In some polar crown prominences, the spine are
not clearly visible; only the barbs can be seen as vertical pillars (SCHMIEDER et al.,
2010; DUDÍK et al., 2012). The beginning and end points of the filaments are known
as two extreme ends (PANESAR, 2014).
According to Babcock and Babcock (1955), the filaments are always located above
the neutral lines that separate regions of opposite magnetic polarity. This region is
also called Polarity Inversion line (PIL). In the case of AR filaments, their shape
follow the complicated magnetic field structure of the active region and they have
the curved shape.
Observation by Manchester et al. (2008) shows that coronal mass ejections (CMEs)
are often associated with AR filament eruptions. Therefore, it is highly important
the study of the filament magnetic field and its evolution, from its emergence to the
erupting phase.
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Figure 1.2 - Solar chromosphere observed in the H-alpha by the Big Bear Solar Observatory (BBSO) on June 13, 1999. We can see in the solar disk the large QS
filaments, the AR filament is inside the active region. In the border of the
AR 08580 is the intermediate filament. On top we can note the polar crown
(PC) filament. In the solar limb we can see the prominences, where the larger
prominence, on top, seems to be related with the PC filament. Note the QS
filaments follow the Polarity inversion line (PIL), presented as a green dashed
line.
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SOURCE: Author
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In the last years, the solar community has presented several works concerning the
formation and evolution of the quiescent filaments. However, studies of filament over
active regions are still scarce in the solar physics literature, and it is not clear how
related their formation process is to the quiescent (QS) ones.
1.3.1

Flux rope model

Two main models describe the development and configuration of filaments, the
sheared arcade (SA) model and the flux rope (FR) model. The main divergence
between both models is the formation height of the filament. In the SA model, the
filament is formed in the solar corona by shearing motions in addition to converging
flows at the (PIL) and reconnection processes. As a result, the magnetic structure
can be a flux rope, as described in Ballegooijen and Martens (1989) or a dipped
arcade (ANTIOCHOS et al., 1994). On the other hand, the FR model assumes that a
flux rope emerges from below the photosphere ascending into the corona (OKAMOTO
et al., 2008). Kuckein (2012) provides a great report of these two main models of filament configuration.
In the AR filaments, the flux ropes are the most accepted configuration to be responsible for supporting the filament’s plasma. The most accepted flux rope model
is the one introduced by Ballegooijen and Martens (1989). The model is based on
the formation of filament through the flux cancellation by considering the shearing
motions in a bipolar configuration.
A step-by-step explanation of the flux rope model is presented in Figure 1.3. The
indices from (a) to (f) refers to each panel presented in the figure. The footpoints are
represented by the capital letters, from A to H. The rectangle represents the solar
photosphere, and the dashed line is the PIL separating the two regions of opposite
magnetic polarity.
According to the flux rope model, the magnetic field lines are initially potential fields,
which implies that they are perpendicular polarity inversion line (PIL) (a). Due to
the shear flow, footpoints get displaced along the PIL (b). The shear presented on
(b) is supplied mainly by the differential rotation on the Sun.
In the following panels, (c) and (d), the footpoints B and C starts to come closer,
due to the flux convergence in the PIL direction. Once the footpoints come closer
to each other, they can reconnect and create two new loops, the small loop BC and
the long loop AD, as presented in the panels (d) and (e) of Figure 1.3.
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Figure 1.3 - Flux rope formation model by Ballegooijen and Martens (1989). The rectangle
represents the solar photosphere, and the dashed line the PIL, separating
the two regions of opposite magnetic polarity. The initial configuration in
panel (a) there are potential field lines (solid lines) that cross the PIL; (b)
sheared magnetic field produced by flows along the neutral line; (c) magnetic
shear is enhanced further because of the flows toward the neutral line; (d) the
reconnection form the more extended loop AD and a shorter loop BC which
tends to submerge. (e) Loops EF and GH are forced to the neutral line; (f) a
new reconnection generates the helical loop EH and a shorter loop GF which
again tends to submerges. Thus, dipped magnetic field lines are developed
carrying the plasma higher to chromosphere and corona.

SOURCE: Ballegooijen and Martens (1989)

In a similar way to the last step, the footpoints of the overlying loops EF and GH
come close and the footpoints F and G can reconnect, as seen in (e) and (f). It
drives to the formation of a longer loop EH, that covers throughout the loop AD
and forms a helical field structure (f). This helical field structure is supposed to
carry the filament body. All this process can be replicated several times and develop
a long helical structure. Hence, dipped magnetic field lines are developed carrying
the plasma higher to the chromosphere and corona.
Flux ropes have also been modeled assuming to start in the convection zone and rise
until reaching the upper chromosphere or corona, as presented by Archontis et al.
(2004), Manchester W. et al. (2004), MacTaggart and Hood (2010). Nevertheless,
many divergences were found in these models related to the emergence method.
Since Parker, 1955, it is generally accepted that the flux rope rises through the
convection zone led to the magnetic buoyancy.
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The flux rope model permits also the presence of mass ejection. A reconnection
below and above the flux rope is sufficient to drive an eruptive event, where the flux
rope can eject, producing a Coronal Mass Ejection (CME).
1.3.2

Eruptive filament

Active-region and filaments may have some increase in turbulent (or helical) motion
or flow along the filament. Such activation in most of the cases fade away after
an hour or so, but in some cases, it leads to a filament eruption. In other cases,
prominence material may have declining flow from the top, along curved arcs at
speeds that can reach 100 kms−1 (DRIEL-GESZTELYI et al., 1997). In some cases, the
filament activation can occur due to the shock wave that initiates in a distant flare
event. This kind of activation is usually called winking filament.
At some stage, a filament over the AR may become absolutely unstable and erupt,
it happens mainly when its height exceeds 50 Mm. Once it erupts, it tends to ascend
as an erupting filament and often shows a substantial twist. It eventually entirely
disappears, and some of the material escapes from the Sun, while some descend to
the chromosphere along helical arches. Regularly, the filament reforms in the same
place over the course of 1 to 7 days (PRIEST, 2014)
The eruption of a quiescent prominence is usually assigned a sudden disappearance.
It starts with a slow rising motion at a few kms−1 and may take several hours. It
is accompanied by an X-ray brightening and occasionally by the appearance of Hα
flare ribbons. The eruption of an active region prominence is much faster and takes
about 30 min or less. It is accompanied by a two-ribbon solar flare. The prominence
generally reforms after only a few hours. It is usually called eruptive or impulsive
flare (PALLAVICINI et al., 1977; PRIEST, 1981).
Most of the Coronal Mass Ejections (CMEs) are correlated with erupting filaments,
and those which erupt from active regions are also associated with two-ribbon solar
flares. Both are associated with energy release by magnetic reconnection (HARRISON,
1996; WEBB; HOWARD, 2012).
1.4

Spectral lines

According to Solanki et al. (2006), signatures of the magnetic field above the solar
surface are usually faint and can sometimes be observed only indirectly. The emission
lines of the coronal ions are usually very faint due to the lower plasma density.
However, in the chromospheric heights, the atmospheric conditions to measure the
12

Zeeman effect are a more propitious, and even better for the filaments, where we
find a cooler and denser plasma.
The Zeeman splitting of the spectral line increases with the square of the wavelength,
so, the larger the wavelength of the spectral line, the more sensitive the line is to the
Zeeman effect. Therefore, observations in the infrared provide great opportunities to
observe the magnetic field. The combined Zeeman and Hanle effect measurements
of the Ca i emissions at 8500 and 8540 Å have been used to observe the low chromosphere (SOCAS-NAVARRO et al., 2000), and more recent, the He i 10830 Å line have
been used for observations of active regions and filaments. An important point of
the He i is that it is populated in the upper chromosphere, close to the base of the
corona. Details of the He i triplet formation is described in this Section.
Observations of the chromosphere have been made using the diagnostics of various
spectral lines. The most common observed line is the Hα at 6563 Å where it is
possible to see the long filament and prominences. Other important lines are D3 line
of He i at 5876 Å and Ca ii lines at 8542 Å.
In this work we made use of two infrared spectral lines, the He i 10830 Å triplet
for observation of the upper chromosphere and the Si i 10827 Å for observation
of photosphere. As the lines are close to each other, a great advantage is that we
performed spectropolarimetric observations of both lines at the same time.
1.4.1

He I 10830 Å triplet

The observation and analysis of the He i 10830 Å triplet can be great mechanism for
investigating the magnetic properties of plasma structures in the solar chromosphere.
According to Bueno and Ramos (2007), it results from the high sensitivity to the
Hanle and Zeeman effects. The He i 10830 Å line has been analyzed in high-intensity
fields observed in solar active regions (CENTENO et al., 2006), in weaker fields found
in the arch filament system (BUENO et al., 2002), in regions of emerging magnetic
flux (LAGG et al., 2004), in chromospheric spicules (SOCAS-NAVARRO et al., 2005) and
also in prominences (MERENDA et al., 2006). Table 1.1 presents the Atomic data of
the He i 10830 Å transitions.
According to Penn and Kuhn (1995), the He i 10830 Å triplet of the neutral helium is a set of transitions that take place between the levels 1s2s3 S1 − 1s2p3 P0,1,2 .
Two spectral features arise from the He i triplet system, we call it as “blue” and
“red” components. The blue component is placed at 10829.09 Å and comes from the
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2s3 S1 −2p30 transition. The red component is a blend of two spectral He i lines placed
at 10830.25 Å and 10830.33 Å and is originated from the 3 P1 and 3 P2 levels. The
central line of the red component is observed in laboratory is 10830.3 Å. Figure (1.4)
shows a schematic atomic model (also know as Grotrian diagram) of the He i. The
individual He i 10830 Å splitting and D3 transitions are shown in the right lower
inset panel.
According to Avrett et al. (1994), the He i 10830 Å is formed only in the upper
chromosphere without any contribution from the photosphere. The strongest He
lines in the solar atmosphere are in the extreme ultraviolet (EUV) below 584 Å.
From the ground-based observatories, the only observable He line is in the infrared
at 10830 Å.
The atom of helium reveals a complicated spectrum with two different spectral series: one of singlets (para-helium) involving singlet terms (1 S,1 P,1 D) and the other
one of triplets (ortho-helium) involving triplet terms (3 S,3 P,3 D). At typical solar
chromospheric conditions, the bulk of the helium population is mainly concentrated
in the 1S atomic ground level, since the temperature is not high enough for populating significantly the rest of the levels.
Under normal chromospheric conditions of temperature and density, the majority
of the helium population remains the He i singlet. In the electric dipole approximation, radiative transitions are not allowed between singlet and triplet terms, so the
populations of the two sets of levels are not radiatively coupled. In order to produce
the He i 10830 Å absorption, the triplet needs to be populated. The way that this
spectral line turns excited is mainly due to a photoionization-recombination (PR)
mechanism of the helium atom (Zirin (1975); Andretta and Jones (1997)). Figure 1.5
presents an overview of the PR mechanism.

Table 1.1 - Atomic data of the He i 10830 Å transitions.
Wavelength [Å]

Lower Term

Upper Term

gef f

Relative Strength

loggf

10829.0911

3S1

3P0

2.00

0.111

−0.745

10830.2501

3S1

3P1

1.75

0.333

−0.268

10830.3398

3S1

3P2

1.25

0.556

−0.047

SOURCE: Kuckein (2012)
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Figure 1.4 - Schematic atomic model of the He i, with 46 energy levels and the transition
between each pair of levels. The individual He i 10830 Å splitting and D3
transitions are highlighted in the right lower inset panel.

SOURCE: Centeno et al. (2008)

The extreme ultraviolet (EUV) radiation comming from the solar corona is the main
cause of ionization of the helium atoms in the chromosphere (AVRETT et al., 1994).
This EUV spectrum with λ < 504 Å ionizes the helium, increasing the He ii density,
which subsequently recombines with the free electrons, populating both singlet and
triplet sets. The excess population in the triplet energy levels is responsible for
enhancing the He i 10830 Å features in the upper chromosphere (CENTENO et al.,
2008).
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Figure 1.5 - Photoionization-recombination mechanism for the Helium atom. (1) In the
absence of coronal irradiance, all the population of He is in the ground state
of the singlet. (2) The coronal EUV radiation causes the ionization of the
helium atoms in the chromosphere irradiance increasing the He ii density. (3)
The He ii recombines with the free electrons, populating both singlet and
triplet sets.

SOURCE: Centeno et al. (2008)

An alternative mechanism to populate the He i 10830 Å triplet levels in the chromosphere is the collisional excitation (ATHAY, 1960). The ionization of these He
atoms is produced by combining them with higher temperature electrons (JORDAN,
1975). The combining procedure was introduced later by Shine et al. (1975) using
numerical simulations. It was showed that difusion can enhance the He i and He ii
resonance lines. Moreover, in accordance with the observation, they conclude that
the difusion effect happens more in active regions (with high pressure) and less in
coronal holes (with low pressure).
Both the photoionization-recombination and collision mechanisms were proposed by
Milkey et al. (1973) for producing the He i lines. In lower temperature regions of the
chromosphere, the EUV radiation photoionizes the He i atoms which then recombine
with free electrons. In higher temperature regions the collisions tend to dominate.
This proposition makes sense since the formation height of He i 10830 Å is located
between 1500 and 2000 km, but is also observed in high quiescent filaments (about
tens of megameters), which indicates that He i is present at distinctive heights.
(ANDRETTA; JONES, 1997) also supported the mixed phenomena, with the formation
of two-layer of the helium lines.
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1.4.2

Si I 10827 Å line

The GREGOR/GRIS covers not only the He i 10830 Å triplet but the wavelength
range from 10823.695 Å to 10841.880 Å. On the left of the the He line, we can
observe the the Si i 10827 Å line. The Si i line is a photospheric line, sensitive to the
Zeeman effect. This line is an excellent complement to the study of the arch filament
system in the chromosphere, as we can obtain the vector magnetic field and Doppler
velocities in the photosphere under the filament region. Even better, the proximity
of the He i 10830 Å triplet makes the observation simultaneously.
The effective Landé factor of the Si i 10827 Å line is gef f = 1.5. The line originates
from the transition between the 3p4s3 P2 and 3p4p3 P2 levels of the Si i atom. Bard
and Carlsson (2008) observed the Si i 10827 Å line is developed in non-local thermodynamical equilibrium (NLTE). Fontenla et al. (1993) finds that for a quiet Sun
model, the mean response height was about 540 km, while for a sunspot umbrae, it
was about 300 km above the solar surface (MALTBY et al., 1986).
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2 Spectropolarimetry
In this chapter, we present an overview of how to measure some solar physical parameters, like the magnetic field vector, by measuring characteristics of the light
coming from the Sun. To make this possible, we made use of the spectropolarimetry, as its self-explanatory name says, it analyzes the light based on the two main
characteristics: the wavelength and the polarization.
The chapter starts describing the theory of the polarized radiation, from the definition of the Stokes parameters (Section 2.1) and the introduction of the Zeeman
effect (Section 2.2). Following, it presents the Radiative Transfer Equation (RTE) in
the presence of a magnetic field (Section 2.3) and its formal solution (Section 2.4).
The Mildne Eddington approximation is described in Section 2.5. To retrieve atmospheric parameters, we presente how inversions are computed (Section 2.6). At
the end, we detail the state-of-the-art inversion technique we applied in this work
(Section 2.7).
2.1

Stokes parameters

The observation and description of polarization signals in Fraunhofer lines were
of exceptional importance concerning the investigation of solar and stellar magnetic
fields (DEGL’INNOCENTI, 1992). The first report of the transfer equation for polarized
light in a scattering atmosphere was reported by Chandrasekhar (1947). In this
formulation, the polarization state of the radiation was represented by four so-called
Stokes parameters (STOKES, 1852). Since that, the Stokes formalism has become the
conventional representation of polarized radiation in astronomy (SOLANKI, 1987).
Let us suppose an electric field vector of a quasi-monochromatic beam of light propagating along the z-axis. The components of the electric field vector (ξx , ξy ) in the
plane perpendicular to the direction of propagation can be written as follow:
ξx (t) = ξˆx cos(ωt − ϕx ),

(2.1)

ξy (t) = ξˆy cos(ωt − ϕy ),

(2.2)

where ξˆx,y and ϕx,y are the amplitude and phase of the electric field vector in x and
y directions, and ω is the angular frequency.
The Stokes parameters are defined in terms of the amplitudes, ξˆx,y , and the phases,
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ϕx,y , as:
D

E

D

E

(2.3)

D

E

D

E

(2.4)

I = ξˆx2 + ξˆy2 ,
Q = ξˆx2 − ξˆy2 ,
D

E

(2.5)

D

E

(2.6)

U = 2 ξˆx ξˆy cos (ϕx − ϕy ) ,
V = 2 ξˆx ξˆy sin (ϕx − ϕy ) ,

where h i denotes the time average. The Stokes parameters completely characterize the polarization state of light and are often written in vector form, as
S = (I, Q, U, V)T . A condition for the Stokes I is that the intensity of the polarized
light cannot be larger than the total intensity of light, i.e. I 2 ≥ Q2 + U 2 + V 2 .
The Stokes I is the total intensity. The Stokes Q is the difference between the vertical
and horizontal polarization. Stokes U represents the difference between the polarization in 45° and -45°, and the Stokes V is the difference between the clockwise and
counterclockwise circularly polarized light. Examples of the Stokes vectors for particular cases of completely polarized states are shown on Table 2.1, where intensities
have been normalized to unity.

Table 2.1 - Stokes vectors for completely polarized states. Intensities were normalized to
unity.
Polarization state

Stokes vector

Natural

(1, 0, 0, 0)T

Linear at 0°

(1, 1, 0, 0)T

Linear at 90°

(1, −1, 0, 0)T

Linear at 45°

(1, 0, 1, 0)T

Linear at 135°

(1, 0, −1, 0)T

Right-handed circular

(1, 0, 0, 1)T

Left-handed circular

(1, 0, 0, −1)T

SOURCE: Iniesta (2003)
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The degree of polarization (Ptot ) can be given by
s

Ptot =

Q2 + U 2 + V 2
,
I2

(2.7)

with 0 ≤ Ptot ≤ 1. When Q = U = V = 0, the beam is totally unpolarized and
when I 2 = Q2 + U 2 + V 2 it is completely polarized.
The application of the Stokes vector becomes very simple for the treatment of polarization. Suppose a wave passes through optical components, the incident Stokes vector (S)in will be modified into the output Stokes vector (S)out . This transformation
can be described by multiplying (S)in matrix, which represents the full polarization
properties of the optical component. The matrix that multiplies the incident Stokes
vector was developed by Mueller (1943), and is called Mueller Matrix, it consists of
a 4 × 4 matrix, which represents a particular or a group of optical elements.
2.2

Zeeman effect

In 1896, the Dutch physicist Pieter Zeeman confirmed the investigations made by
Hendrik Antoon Lorentz that spectral lines were split into polarized components in
the presence of a magnetic field (ZEEMAN, 1897). Zeeman and Lorentz shared the
Nobel Prize for Physics in 1902. In 1908, George Ellery Hale (HALE, 1908) found that
some solar spectral lines looked to be widened, splited, and polarized, and concerned
an explanation for the observed sunspot spectrum: the presence of strong magnetic
fields in sunspots.
A spectral line is produced by the transition of electrons between two energy levels.
The quantum numbers L (orbital angular momentum), S (spin angular momentum),
and J (total angular momentum) describe the quantum-mechanical state of the
energy. The term symbols of the form 2S+1 LJ give information about the quantum
numbers L, S and J. The letters S, P, D, F mean an orbital angular momentum
corresponding to L = 0, 1, 2, 3.
In the presence of the of the magnetic field, the energy of the atomic level is given
by:
~e
gL M B,
(2.8)
EJ,M = EJ +
2me
where e is the elementary charge, me the electron mass, ~ is the reduced Planck
constant, gL is the Landé factor of the energy level and M is the magnetic quantum
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number. The magnetic field splits the energy level (L,S,J) into 2J + 1 sublevels of
different energies, described by M = −J, ..., 0, ..., +J. The Landé factor (LANDÉ,
1923) is given by
3 S(S + 1) − L(L + 1)
gL = +
.
(2.9)
2
2J(J + 1)
In Equations (2.8) and (2.9) was assumed the Russel-Saunders or LS coupling (RUSSELL; SAUNDERS, 1925). LS coupling is the interaction between the quantum numbers L and S and is presented in detail in Cowan (1981).
The transition between energy levels for both the absence and presence of the magnetic field is presented in Figure 2.1. The figure represents the Zeeman splitting
where a Lorentz triplet is formed, which is called the normal Zeeman effect. Due
to J = 0, the lower energy level does not split in the presence of a magnetic field.
When J = 1, the upper energy level splits into three different sublevels with the
magnetic quantum numbers M = −1, 0, +1. The transitions with ∆M = 0 are called
π component, and the ∆M = ±1 transitions are the blue and red components. The
formation of the three splitted lines is a singular case that occurs if one of the two
energy levels has J = 0 or both levels have equal Landé factors.
The more general case, where J 6= 0, is known as the anomalous Zeeman effect. In
this situation, the magnetic quantum number of the two energy levels is given by
∆M = Mu + Ml = −1, 0, +1, where the l and u indices denote the lower and upper
energy level, respectively.
The anomalous Zeeman effect is presented in Figure 2.2 that shows the transition
between energy levels for both the absence and presence of the magnetic field. Note
that both energy levels have J = 2, with different Landé factors.
The line splitting is determined as the wavelength shift of the σ (λσ ) components
to the reference wavelength of the non-magnetized case (λ0 ), so:
|∆λ| = |λσ − λ0 | =

eBλ20
gef f
4πcme

(2.10)

where c is the speed of light and gef f is the effective Landé factor, that designates
the sensitivity of the spectral line to the Zeeman effect. According to Shenstone and
Blair (1929), the effective Landé factor is given by
gef f =

1
1
(gu + gl ) + (gu − gl ) [Ju (Ju + 1) − Jl (Jl + 1)] .
2
4
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(2.11)

Figure 2.1 - Representation of normal Zeeman effect. Transition between energy levels for
the absence and presence of the magnetic field. Due to Jl = 0, the lower
energy level does not split in the presence of a magnetic field. When Ju = 1,
the upper energy level splits into three different sublevels with the magnetic
quantum numbers M = −1, 0, +1. On the bottom, the spectral look for both
cases.
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SOURCE: Author
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Figure 2.2 - Representation of anomalous Zeeman effect. Transition between energy levels
for the absence and presence of the magnetic field. In both levels J = 2, so
the upper and lower energy level split in the presence of a magnetic field. This
case is called the anomalous Zeeman effect.
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From the Equation (2.10) we may note that the line splitting is directly proportional
to the magnetic field strength and also to the square of the wavelength. In this
work, we are analyzing GRIS data that have observations in the infrared, with large
wavelengths, so by the Equation (2.10), we can presume it has a high sensitivity to
the Zeeman effect.
The transverse Zeeman effect results when the magnetic field is perpendicular to the
line-of-sight (LOS), as presented in Figure 2.3. In this particular case, the observer
can view the π component (linearly polarized) and also the σb and σr components
(circularly porlarized).
In the other way, when the magnetic field is parallel to the LOS, it is called the
longitudinal Zeeman effect, as shown in Figure 2.4. In this case, the observer can
see only the circularly polarized components (σb and σr ).
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Figure 2.3 - Transverse Zeeman effect that results when the magnetic field is perpendicular to the line-of-sight. The observer can view the π component (linearly
polarized) and also the σb and σr components (circularly porlarized).
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Figure 2.4 - Longitudinal Zeeman effect that results when the magnetic field is parallel
to the LOS. In this case, the observer can see only the circularly polarized
components (σb and σr ).
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2.3

Radiative Transfer Equation

In a magnetized medium like the solar atmosphere, the radiative transfer equation
(RTE) describes how a polarized light beam is transferred considering the changes in
its polarization state due to the magnetic field. The general RTE was first derived by
Unno (1956) using classical electrodynamics, and six years later, Rachkovsky (1962)
incorporated the magneto-optical effects.
To describe the RTE for our solar atmosphere, we first assume that the radiation
is propagating normal to the solar surface (assumed as z-direction), in this way the
RTE can be written in the form
dI(z)
= −k̂ [I(z) − S(z)] ,
dz

(2.12)

where I(z) is the Stokes vector, given by I = (I, Q, U, V ), that represents the full
description of the polarized state light emerging from the magnetized medium. S(z)
is the source function and k̂ is the propagation matrix and can be decomposed
considering the contributions from both continuum and the spectral line forming
process. Therefore, the propagation matrix can be written by
k̂ = kc 1 + klin φ̂.

(2.13)

where kc is the continuum absorption coefficient, 1 is the 4 × 4 identity matrix,
klin is the line absorption coefficient and φ̂ includes the normalized absorption and
dispersion profiles.
The line to continuum absorption coefficient ratio (η0 ) can be defined by the ratio
of both coefficients, as follows:
klin
η0 =
,
(2.14)
kc
so the Equation (2.13) can be rewritten as,
k̂ = kc 1 + η0 φ̂,

(2.15)

We may introduce now the continuum optical depth, that is given by:
τc =

Z z0
z
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k̂dz.

(2.16)

Note that the presented definition implies that the optical depths are measured along
the ray path, but in the opposite direction (−z) and the origin (τc = 0) is located
in the outermost boundary of the medium (z0 ), where the observer is located. So
τc represents the number of mean free paths of continuum photons between the
outermost boundary and the point z.
Using the τc as a independent variable, in the derivative form, dτc = −k̂dz, so the
Equation (2.12) can be rewritten as:
dI(τc )
= −k̂ [I(τc ) − S(τc )] ,
dτc

(2.17)

where k̂ is the propagation matrix, given by


η
ηQ
 I

ηQ
ηI
k̂ = 

ηU −ρV

ηV ρ U



ηU
ηV 

ρV −ρU 
,

ηI
ρQ 

−ρQ ηI

(2.18)

and the element indices regard to the I, Q, U and V stokes parameters. In fact, the
symmetries of matrix k̂ allow us to decompose it in three matrices:








η 0 0 0   0 ηQ ηU ηV 
 I

 

 0 ηI 0 0  ηQ 0
0 0

+
k̂ = 
 



 0 0 ηI 0   ηU
0
0
0


 
0 0 0 ηI
ηV 0 0 0


0
0


0
0
+

0 −ρV

0 ρU



(2.19)

0
0 

ρV −ρU 
.

0
ρQ 

−ρQ
0

According to Iniesta (2003), the first matrix is a diagonal one that corresponds to
absorption phenomena. The second, symmetric matrix matches to the dichroism,
where some polarized components of the beam are extinguished more than others
because the matrix elements are generally different. Finally, the third, antisymmetric
matrix is derived from the dispersion.
According to Degl’Innocenti and Landolfi (2004), the elements of the propagation
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matrix can be written as


η0
1
ηI = 1 +
φp sin2 γ + [φb + φr ] 1 + cos2 γ ,
2
2

(2.20)




η0
1
ηQ =
φp − [φb + φr ] sin2 γ cos 2χ ,
2
2

(2.21)




1
η0
φp − [φb + φr ] sin2 γ sin 2χ ,
ηU =
2
2

(2.22)





ηV =

η0
[φb + φr ] cos γ,
2

(2.23)



1
ψp − [ψb + ψr ] sin2 γ cos 2χ ,
2

(2.24)



1
ψp − [ψb + ψr ] sin2 γ sin 2χ ,
2

(2.25)



ρ Q = η0



ρU = η0

ηV =

η0
[ψb + ψr ] cos γ,
2

(2.26)

where γ is the inclination of the magnetic field vector with respect to the observer
line-of-sight (LOS) and χ is the azimuth angle. The p, b, r indices stands for the
Zeeman components π, ωb and ωr , respectively.
The absorption (φp,b,r ) and anomalous dispersion (ψp,b,r ) profiles, under the classical
Lorentz electron theory, and considering thermal motions (as Doppler broadening
and collisions) of the medium, can be written by:
φj =

Nj
X





sij H a, ν + νD + vij ,

(2.27)

ij =1

ψj = 2

Nj
X





sij H a, ν + νD + νij ,

(2.28)

ij =1

where j = b, p, r are the Zeeman multiplets and sij are the normalized strength of
28

the Zeeman components. The Voigt function, H, and the Faraday function, F, at a
given damping, a, a given distance from the line center λ0 are:
2
e−y
a Z +∞
H (a, ν ) =
dy,
π −∞ (ν 0 − y)2 + a2

(2.29)

2
1 Z +∞ (ν 0 − y) e−y
F (a, ν ) =
dy.
2π −∞ (ν 0 − y)2 + a2

(2.30)

0

0

There is a shift at the central position for each component of the Zeeman pattern,
and this shift results from two main effects. The first is the Zeeman splitting that
causes a shift in the absorption and dispersion profiles of each component of the
Zeeman pattern, given by
∆λij
νi j =
.
(2.31)
∆λD
The second point is the Doppler effect that produces the same shifts in all of the
components of the Zeeman pattern due to velocity along the vertical axis, νz , so we
have that:
νz λ0
.
(2.32)
νD =
c∆λD
The damping a and the Doppler width ∆λD are given as follow:
a=

λ0
∆λD =
c

λ20
Γ,
4π∆λD

2kT
2
+ νmisc
M

(2.33)

!1/2

,

(2.34)

where Γ is the damping factor that can be decomposed into spectral broadening due
to the radiative (Γrad ) and collisional (Γcol ) line broadening. In the Equation (2.34),
T is the temperature, k is the Boltzmann constant, M is the mass of the atom. νmisc
is the microturbulent velocity, that is used to account it motions in smaller scales
than the mean free path.
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2.3.1

RTE in local thermal equilibrium

The local thermal equilibrium (LTE) hypothesis consists in considering that only
radiation is allowed to deviate from a thermodynamic equilibrium situation because
of the transport. All the thermodynamic properties of matter are assumed to be
governed by the thermodynamic equilibrium equations, not global but at the local
values of temperature, T , and density, ρ.
The formation of a large number of spectral lines in the solar photosphere can be
well described by assuming that radiative transfer has taken place in conditions of
local thermodynamic equilibrium.
In this way, we may conclude that assuming the LTE, the light streams through a
plane–parallel or stratified medium according to the following RTE is
 



η
ηQ
I
 I
 

 
ηI
Q η
d 
 = Q

 
dz U  ηU −ρV

 
ηV ρU
V





ηU
ηV  I − Bν (T )




Q
ρV −ρU 
,





U
ηI
ρQ 


V
−ρQ ηI

(2.35)

where the source function S(z) is given by
S(z) = (Bν (T ), 0, 0, 0)T

(2.36)

Therefore, in Local thermodynamic equilibrium (LTE) conditions, S(z) has the form
of a Planck function, Bν (T ), at the local temperature T .
2.3.2

RTE through isotropic media

The isotropic medium is characterized by a single refractive index, and the electromagnetic waves propagate throughout the medium with a single velocity in any
direction.
Assuming that the medium is isotropic, then the Equations from (2.20) to (2.26)
will be given by ηQ = ηU = ηV = ρQ = ρU = ρV = 0, once φj = φ and ψj = ψ,
∀ j = r, b, p. In this way, the propagation matrix, presented in the Equation (2.35)
becomes a diagonal matrix. Therefore, the RTE will be given by the equations above,
one for each Stokes parameter.
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dI
= (1 + η0 φ) (I − Bν ) ,
dτc

(2.37)

dQ
= (1 + η0 φ) Q,
dτc

(2.38)

dU
= (1 + η0 φ) U,
dτc

(2.39)

dV
= (1 + η0 φ) V.
dτc

(2.40)

The Equation (2.37) is usually called the radiative transfer equation for unpolarized
light. In the case when the boundary condition assumes that light is originally unpolarized (Q0 = U0 = V0 = 0), the Equations (2.38), (2.39), and (2.40) shows that
the light will remain unpolarized throughout the medium.
2.3.3

Propagation along the optical axis

Supposing that the optical axis, ê0 coincides with the ray path and stays unaltered
throughout all the medium, in this case the colatitude angle γ = 0. Then, the
elements of the k̂, given by the Equations from (2.20) to (2.26) will turns out to:
ηI = 1 +

η0
[φb + φr ] ,
2

(2.41)

ηQ = ηU = ρQ = ρU = 0,
(2.42)
η0
ηV =
[φb − φr ] ,
(2.43)
2
η0
[ψb − ψr ] .
(2.44)
ρV =
2
Note that the φp and ψp are not present in the parameters equation anymore. It has
disappeared, since the light polarized along ê0 cannot propagate along ê0 , and the
electromagnetic waves are transversal.
From the Equation (2.40), we can see that the source term is not present in the
Stokes Q and U equations. Therefore, we can conclude that, if the light is initially
unpolarized, the transfer will not produce any linear polarization. On the other hand,
the source term appears in the Stokes Q and V. Hence, we can conclude that if the
light is initially unpolarized before entering the medium, only circular polarization
can be produced when the propagation is along the optical axis.
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2.4

Solving the RTE

The radiative transfer equation can be solved if we know the propagation matrix and
the source function vector. In order to solve the RTE, let us consider the transformation of the Stokes vector from one optical depth (τc ), to another (τc0 ), in the absence
of any emission process along the path. This transformation of the Stokes vector can
be described with the evolution operator Ô(τc , τc0 ), by assuming the relation
I∗ (τc ) = Ô(τc , τc0 )I∗ (τc0 ),

(2.45)

where I∗ represents the solution of the homogeneous equation related to the nonhomogeneous equation (2.17). The evolution operator fulfills the following conditions:

Ô(τc , τc ) = 1,

(2.46)

Ô(τc , τc00 ) = Ô(τc , τc0 )Ô(τc0 , τc00 ).

(2.47)

Integrating the RTE (Equation (2.17)) with respect to the optical depth between
the bottom and top of the atmosphere, τ0 and τ1 , respectively, gives

I(τ1 ) = Ô(τ1 , τ0 )I(τ0 ) −

Z τ1
τ0

Ô(τ1 , τc )k̂(τc )S(τc )dτc .

(2.48)

The first term, on the right-side of the equation, gives us the Stokes parameters
of the light, that has streamed through the medium (between τ0 and τ1 ) as if the
medium were not emitting light (homogeneous solution). The second term of the
equation provides the contribution from emission to the final Stokes parameters.
Supposing that the observer is located at τ1 = 0, then if the inner point is chosen
to be deep enough (τ0 → ∞), the atmosphere is so optically thick that no radiation
emitted at τ0 can reach the observer, then

lim Ô(0, τ0 )I(τ0 ) = 0.

τ0 →∞

(2.49)

We can then combine the Equations (2.48) and (2.49) to obtain a formal solution of
the RTE, as follow
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I(0) =

Z ∞
0

Ô(0, τc )k̂(τc )S(τc )dτc .

(2.50)

The solution of the evolution operator cannot be obtained analytically for a general
atmosphere, and has to be computed by numerical methods.
The evolution operator can be also represented by an exponencial, to obtain this we
can derive it from the differential equation
dÔ(τc , τc0 )
= k̂(τc )Ô(τc , τc0 ).
dτc

(2.51)

Hence, the evolution operator will be given by
Ô(0, τc ) = e−

R τc
0

k̂(τc )dτ

.

(2.52)

Based on Equation (2.48), even if LTE can be assumed, there is no analytical expression for Ô in general. Thus, the equation has to be solved numerically, and some
examples of the numerical RTE codes are the SIR code (COBO; INIESTA, 1992), the
STOPRO code (Solanki (1987), Frutiger et al. (2000)) and the LILIA code (SOCASNAVARRO, 2001).
2.5

Milne-Eddington atmosphere approximation

Considering the simple case where the propagation matrix is constant with respect
to the atmospheric height, as follow
k̂(τc ) = k̂0 ,

(2.53)

and the source function varies linearly with the optical depth, given by
S = S0 + S1τc = (S0 + S1 τc )(1, 0, 0, 0)T ,

(2.54)

So, the Equation (2.52) can be written as,
Ô(0, τc ) = e−k̂0 τc .

(2.55)

A medium that satisfies the Equations (2.53) and (2.54) is called the Milne33

Eddington atmosphere. From the Equation (2.55) we can obtain that the propagation
of polarized light, given by Equation (2.50), can now be written as:

I(0) =

Z ∞
0

e−k̂0 τc k̂0 (S0 + S1 τc )dτc ,

(2.56)

which can be integrated analytically by parts to obtain:
I(0) = S0 + k̂0−1 S1 .

(2.57)

Since the only non-zero element of both S0 and S1 is the first one, we only need to
calculate the first column of the inverse k̂0−1 of the propagation matrix. The solution
is also known as the Unno-Rachkowsky solution of the transfer equation, given by:

I(0) = S0 +

i
ηI S1 h 2
ηI + ρ2Q + ρ2U ρ2V ,
∆

i
S1 h 2
ηI ηQ + ηI (ηV ρU − ηU ρV ) + ρQ Π ,
∆
i
S1 h 2
U (0) =
ηI ηU + ηI (ηQ ρV − ηV ρQ ) + ρU Π ,
∆
i
S1 h 2
V (0) =
ηI ηV + ηI (ηU ρQ − ηQ ρU ) + ρV Π ,
∆

Q(0) =

(2.58)
(2.59)
(2.60)
(2.61)

where the determinant of the propagation matrix, ∆ and Π, are given by:





2
∆ = ηI2 ηI2 − ηQ
− ηU2 − ηV2 + ρ2Q + ρ2U + ρ2V − Π2 ,

(2.62)

Π = ηQ ρQ + ηU ρU + ηV ρV .

(2.63)

We developed a code to compute the synthetic Stokes profiles using the MilneEddington atmosphere for the Fe i 6302.5 Å, as showed in Figure 2.5. The inclination
angle was set to 80° and the azimuth is 70°. The colors represent the magnetic field
strength from 0 (blue) to 3 kG (red). In the Stokes I we can see the Zeeman splitting
increasing due to the magnetic field. We can note a lower amplitude of the V Stokes
due to the high inclination angle. The spectral line is not centered in the 6302.5 Å;
it is shifted to the right due to the LOS-velocity that was set to 2 kms−1 .
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Figure 2.5 - Synthetic Stokes profiles estimated by using a developed code for the MilneEddington atmosphere of the Fe i 6302.5 Å. The inclination angle was set to
80° and the azimuth is 70°. The colors represent the magnetic field strength
from 0 (blue) to 3 kG (red), with step of 200 G. In the Stokes I we can see
the Zeeman splitting of the Fe i when increasing the magnetic field strength.
Note a lower amplitude of the V Stokes due to the high inclination angle. The
spectral line is not well centered in the 6302.5 Å, it is shifted to the right due
to the LOS-velocity that was set to 2 kms−1 .
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2.6

Inversion of the Stokes profiles

The process to achieve the physical parameters of the solar atmosphere, based on
the observations of the Stokes profiles, at some specific wavelengths, is called the
inversion of the Stokes profiles.
Let us take our study as an example, we are focused on analyzing the data of the
magnetic and velocity field in an arch filament system in the photosphere and upper
chromosphere by inverting the Stokes profiles of the spectral lines Si i 10827.1 Å,
He i triplet at 10830 Å and Ca i 10832.4 Å observed by the GRIS spectropolarimeter.
To obtain these atmospheric parameters from the observed Stokes profiles, we made
use of the inversion.
The Figure 2.5 presented the Stokes profiles obtained using Milde Eddington approximation for a given atmosphere, within input parameters like the magnetic field
strength, inclination, azimuth, and LOS-velocities. This stokes profiles, as a solution
of the RTE, provides what is called the synthetic Stokes parameters Isyn (λ), and is
given by


syn
I
(λ)



 syn


Q
(λ)
syn

(2.64)
I (λ) =  syn 
.

U
(λ)


V syn (λ)
To obtain the appropriate inversion of the Stokes profiles we need to iteratively compare both observed (Iobs ) and synthetic Isyn stokes, it can be performed employing
a merit function χ2 such as
2

χ =

4 X
N
X
s=1 i=1

"

syn
Iobs
s (λi ) − IS (λi )
σi

#2
2
ωs,i
,

(2.65)

where the s index applies to the scan of the four Stokes parameters and the i
index to the wavelength positions. σi denotes the uncertainty in the measurement
of each Stokes parameters s. The ωs,i is the weight given for each wavelength and
Stokes parameter. The minimization of the merit function χ2 is an iterative process
in which the atmospheric parameters are systematically modified, until a best fit
between synthetic and observed Stokes profiles is reached.
The fit between Iobs (λ) and Isyn (λ) need to be performed with a method to solve the
nonlinear least squares problem. The most common method used is the Levenberg36

Marquardt algorithm (MORE, 1978).
Once we obtained the observational Stokes profiles, the inversion technique needs
to be applied for each pixel of the observed map of the solar atmosphere. The first
estimative of the atmospheric parameters can be taken from an atmosphere model
for the considered solar feature (quiet Sun, penumbra, umbra) or from the inversion
resulting from an adjacent pixel.
2.7

HeLIx inversion

In the present study, we aim to analyze the data of the magnetic field vector and
Doppler velocity in the photosphere and upper chromosphere, by using the GRIS
spectrograph observations in the Si i 10827.1 Å line and He i 10830 Å triplet. To
accomplish the described physical parameters regarding the solar surface and atmosphere we use the inversion code called HeLIx+ (Helium Line Information Extractor),
developed by Lagg et al. (2004).
HeLIx+ solves the RTE under the Milne-Eddington approximation, for describing
the radiative transfer in the He i 10830 Å multiplet lines. The He i triplet line forms
only in the upper chromosphere and there is no contribution from the photosphere,
once it is mostly optically thin. Due to these reasons, the Milne-Eddington approximation is an adequate approach as long as we are only focused in the magnetic and
velocity parameters but not in the temperature profile of the atmosphere, or even
in the exact height of formation.
The calculation of the Stokes profiles leads to the atmospheric model which consists
of eight parameters, also called atmospheric components. The free parameters are
the magnetic field strength B, the inclination angle γ, the azimuthal angle χ, the
line-of-sight velocity vLOS , the Doppler width ∆λD , the damping a, the ratio between
line center and continuum intensity η0 , and the slope of the source function S1.
The evaluation of the fitness of the synthetic Stokes profiles to the observed Stokes
profiles is based on a minimization of the goodness function δ. The synthesized profiles are calculated assuming an arbitrary initial atmosphere, as described above. The
parameters of this atmosphere are then adapted in such a way that the synthesized
profiles match the observations. The goodness function δ is given by
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δ=

N
X

ωI

λi =0

+

N
X

ωQ

λi =0

(Iobs − Isyn )
Ic σI

(Qobs − Qsyn )
σQ

N
X

(Uobs − Usyn )
+
ωU
σU
λi =0
+

N
X

ωV

λi =0

(2.66)

(Vobs − Vsyn )
,
σV

where N is the number of wavelength positions along the profile and Ic is the continuum level. The ωI,Q,U,V are the weighting functions for each Stokes along the
wavelength. The subscripts obs and syn refer to observed and synthesized Stokes
profiles respectively. σI,Q,U,V are parameters defining the strength of the signal, as
follow
N
1 X
Iobs
σI =
−1 ,
n λi =0 Ic

σQ,U,V =

N
1 X
|(Q, U, V )obs | .
n λi =0

(2.67)

(2.68)

The weighting configuration along the spectra can be chosen to reflect the peculiarities of each spectral region. Usually, the highest weight is given to the red component
of the He i line (He ib and He ic blended line), since any other spectral line does not
overlap them. For wavelengths less than 10829.6 Å, the weight function is reduced
by a factor of 5. This region contains the He ia line which is blended by the Ca i
10829.3 Å line. All wavelength points below 10828.5 Å and above 10832.5 Å were
not used to fit the He i components (ωI,Q,U,V = 0).
In order to guarantee that the optimization method finds the global minimum of δ
in parameter space, the HeLIx+ code made use of the genetic algorithm PIKAIA
(CHARBONNEAU, 1995). Lagg et al. (2004) contrasted this method with standard
minimization routines and found superior robustness, however, with some computation time costs.
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Figure 2.6 - Comparison between inversion maps, for the azimuth angle, computed with
the genetic algorithm PIKAIA (top) and UOBYQA (bottom). Note the large
gradient between neighboring pixels in the UOBYQA, indicating the optimization routine got stuck in some of the local minima of the parameter
space. The PIKAIA shows robustness to find the global minimum.

SOURCE: Lagg et al. (2004)

In order to demonstrate the superior robustness of the PIKAIA, Lagg et al. (2004)
compared the results of an inversion map with the ones obtained with Unconstrained
Optimization BY Quadratic Approximation (UOBYQA), as presented by Powell
(2002), a code which estimates the derivatives using quadratic approximations, similar to the Milne-Eddington algorithm. The comparison between the inversion maps,
for the azimuth angle, is presented in Figure 2.6. The large intensity variation between neighboring pixels in the UOBYQA, indicating the optimization routine got
stuck in some of the local minima of the parameter space. It shows the superior
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robustness of the genetic algorithm.
The genetic algorithm PIKAIA is responsible for finding the global minimum in a
multidimensional hypersurface independent of the initial input values. Therefore,
the PIKAIA allows us to specify a fit range for each parameter aiming to guarantee
that the output result of the inversion stays within the range of physically valuable
solutions. The main issue in using the genetic algorithm is the computation time.
However, as we are making use of the Milne-Eddington approximation to compute
the synthesized profiles, the computation time limitation is minimized.
The HeLIx+ code incorporates a processing method of the Hanle effect for a particular geometry case. The linear polarization signal of the He lines is altered due
to the Hanle effect, producing a complex dependence of the linear polarization on
magnetic field strength and direction. The atomic polarization and the Hanle effect
incorporated in the code is presented in detail by Bueno et al. (2002) and more
recent by Ramos et al. (2008) and Bueno et al. (2005).
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3 Telescope GREGOR and GRIS spectrograph
The solar telescope GREGOR was built by a German consortium led by the
Kiepenheuer-Institut für Sonnenphysik, with the Leibniz-Institut für Astrophysik
Potsdam, the Max-Planck-Institut für Sonnensystemforschung (MPS) and the Institut für Astrophysik Göttingen as partners. The Instituto de Astrofísica de Canarias
and the Astromomical Institute of the Academy of Sciences of the Czech Republic
(ASU AV CR) contributed to the telescope or the instrumentation. The official proposal for the construction of the GREGOR telescope was prepared in March 2000
and after 10 years of planning and construction, the installation of GREGOR was
officially inaugurated on May 21, 2011. In April 2012, MPS scientists joined the first
scientific observing campaign with the GREGOR telescope.
GREGOR has an aperture of 1.5 m and replaces the former 45-cm Gregory-Coude
Telescope (GCT,Kneer and Wiehr (1989)). It is installed at the Observatorio del
Teide (OT) on Tenerife island (Canary Islands, Spain) located 2,400 m a.s.l. The
OT is a major milestone for solar physics in Europe within the world’s most powerful
set of solar telescopes at a single site. The set of telescopes at the OT are the 90 cm
THEMIS (MEIN; RAYROLE, 1985), 70 cm Vacuum Tower Telescope (VTT) (SOLTAU,
1991), and the 1.5 m GREGOR (SCHMIDT et al., 2012). Some non-solar telescopes
were built at the OT, as the Optical Ground Station (OGS) (WEIGEL et al., 2001),
the two 1.2 m STELLar Activity (STELLA) (STRASSMEIER, 2001) and others.
A panoramic view of the Observatorio del Teide is shown in Figure 3.1a, where the
tallest buildings are the GREGOR and VTT. Figure 3.1b shows the aerial view of
the Observatorio del Teide, with the telescopes (from the bottom right) THEMIS,
VTT, GREGOR, OGS, and the Solar Pyramid. Figure 3.1c presents the GREGOR
telescope in operation. The dome has a open-foldable design with a diameter of 9
m, it is shown close on panel (a) and opened on panel (c).
The GREGOR telescope is the largest solar telescope in Europe and third largest in
the world, after the 1.6 m clear aperture Goode Solar Telescope (GST, Goode (2012))
at the Big Bear Observatory (BBSO, Zirin (1970)) and the 1.6 m f /54 McMathPierce solar telescope (PIERCE, 1964) at Kitt Peak National Observatory. A new
large solar telescope with 4 m diameter named Daniel K. Inouye Solar Telescope
(DKIST, Elmore et al. (2014)) is planned to have the first light in 2019.
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Figure 3.1 - (a) Panoramic view of the Observatorio del Teide where the two tallest buildings hosts the GREGOR (left) and VTT (right) telescopes. (b) Aerial view
of the Observatorio del Teide, Tenerife on the Canary Islands, with the telescopes (from bottom right) THEMIS, VTT, GREGOR, OGS, and the Solar
Pyramid. (c) The 1.5 m GREGOR telescope in operation. The dome is an
open-foldable with diameter of 9 m.

SOURCE: (a) Ribeiro (2009), (b) Schmidt et al. (2012) and (c) Schlichenmaier (2015)

The GREGOR adaptive optics (AO) has been developed significantly over the years
(BERKEFELD et al., 2004; BERKEFELD et al., 2005; BERKEFELD et al., 2006; BERKEFELD et al., 2012) using many features of the Kiepenheuer Adaptive Optics System
(KAOS, Luhe et al. (2003)) common to all AO projects at the Kiepenheuer Institute
and which has been operated at the Vacuum Tower Telescope (VTT).
The wavefront sensor (WFS) is a correlating Shack-Hartmann (SH) WFS with 156
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subapertures. The GREGOR AO uses a 256-actuator mirror; type stacked piezo and
model CILAS SAM256 (BERKEFELD et al., 2012). A high-cadence camera and highperformance computer provide a 2.5-kHz control loop frequency to achieve a 0-dB
bandwidth of correction at about 130 Hz. The optical design also includes an option
for multi-conjugate adaptive optics (MCAO, Berkefeld et al. (2010), Schmidt et al.
(2009), Schmidt et al. (2010). The MCAO system has been tested along many years
at KIS and the VTT. The controlled FOV of the MCAO system has a diameter of
about 60”, which is about ten times larger than what can be accomplished with a
conventional AO (DENKER et al., 2012).
The GREGOR telescope splits the solar light observation to three main instruments, the Broad Band Imager (BBI, Luhe et al. (2012)), the GREGOR Fabry
Perot Interferometer (GFPI, Puschmann et al. (2012)) and the GREGOR Infrared
Spectrograph (GRIS, Collados et al. (2012)).
In October 2017, a technical campaign installed a new hi-speed infrared camera at
the GREGOR telescope. The new camera has a frame rate of up to 90 frames/s; the
new infrared camera allows the image improvement from the distortion introduced
by turbulence in the Earth atmosphere. A unique image reconstruction developed
at MPS will be possible to reach the diffraction limit of the GREGOR telescope.
The high quantum efficiency and the duty cycle of almost 100% enhance the photon
efficiency by a factor of 2 compared to the old GRIS system. The data presented in
this work was observed with the old infrared camera. However, the next steps in the
study of filaments we hope to implemente using the new hi-speed infrared camera.
3.1

Telescope Design

The design of the GREGOR optical setup is presented on Figure 3.2. Initially, the
Sun light comes from the top, in the direction of the 1.5 m primary mirror (M1).
The primary mirror is an f /1.67 paraboloid.
The telescope employs a modified Gregory configuration, so the first focus (F1) is
formed before the secondary mirror (M2). In the F1 a water-cooled field stop restricts
the field-of-view (FOV) to a diameter of 150”. The elliptical secondary mirror M2
images F1 on the secondary focus F2.
The elliptical mirror M3 picks up F2 and produces the f /40 science beam. The next
mirrors are mainly disposed to transfer the light into the optical laboratory. The
flat mirror M11 reflects the light to the adaptive optics bench. The collimator M12
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images the entrance pupil on the deformable mirror (DM) M14. The tip−tilt mirror
M13, situated before the pupil plane, eliminates the image jitter, leaving only the
image blurring to be compensated by the DM (BERKEFELD et al., 2012).
The f /40 science beam is recreated by the reimager M15, imaging the pupil plane at
infinity. The dashed line outlines the adaptive optics. More details of the GREGOR
optical design of GREGOR is described by Soltau et al. (2012).
Table 3.1 - Description of some main properties of the GREGOR telescope
Description

Value

Observatory

Observatory de Teide (OT) - IAU code 954

Coordinate

28°18’00”N 16°30’35”W

Altitude

2390 m

Optical Design

Gregory

Primary mirror diam.

1500 mm

M1 Clear aperture

1440 mm

M1 material

Zerodur

M1 focal length

2.5 m

Secondary mirror diam.

430 mm

M2 material

Cesic Ceramic

Effective focal length

57.3 m

Field of View

150”

Spatial Resolution

0.08” (∼70 km)

Mount

Altazimuth

Dome size

9m

Adaptive optics (AO):
Type

KAOS.256

Size of subapertues

10 cm (sq.)

Iluminated subapertues

156

Actuators of deformable mirror

256

Closed-loop bandwidth

120 Hz
GREGOR Infrared Spectrograph (GRIS)

Instruments

GREGOR Fabry-Pérot Interferometer (GFPI)
Broad Band Imager (BBI)
SOURCE: Author
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Figure 3.2 - Optical setup of the GREGOR telescope and the adaptive optic (AO) system.
The configuration is a double Gregory-type telescope, with two intermediate
focus F1 and F2. In the F1 a water-cooled field stop limits the field-of-view
(FOV) to a diameter of 150”. The dashed line outlines the adaptive optics.
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3.2

GREGOR Infrared Spectrograph

The GREGOR Infrared Spectrograph (GRIS) is the grating spectrograph installed
at the GREGOR telescope. The GRIS derived many characteristics of the Tenerife
Infrared Polarimeter II (TIP II, Collados et al. (2007)) instrument previous installed
at the Vacuum Tower Telescope (VTT).
GRIS uses the same infrared detector of TIP II, a TCM 8600 CMOS camera (CAO
et al., 2005), manufactured by the Rockwell Scientific Company (RSC, now Teledyne
Imaging Sensors). The CMOS has a resolution of 1024 × 1024 pixel, a square pixel
size of 18 µm and readout rate of 30Hz. The sensor has a pixel well depth of about
300,000 e− and a quantum efficiency of more than 50% for the infrared.
The diffraction grating of GRIS has 316 grooves mm−1 , a blaze angle of 63.4°, and
linear dimensions of 370 mm × 190 mm. The grating is inherited from GregoryCoudé telescope (GCT, Schroeter et al. (1985)), an old 45 cm spectrograph which
was installed in the same building.
In order to compute the Stokes parameters for each slit, the GRIS polarimeter package consists of two ferro-electric liquid crystal retarders (FLCR) and one polarizing
beamsplitter.
The GREGOR telescope is installed in the top of the building, and the light is guided
to the optical instruments with the focus F4, as presented in Figure 3.2. The first
optical element of GRIS that is faced by the GREGOR light beam is the entrance
slit, placed just following the beamsplitter pentaprisms, on the fifth floor of the
building. The pentaprisms are arranged before the slit to transmit adequate light
to the wavefront and the GFPI. The first beamsplitter is a 100 Å narrow band that
rejects the spectrum centered at a wavelength of 5000 Å to the wavefront sensor,
while the remainder wavelength is transmitted. The second beamsplitter denies the
light bellow 6600 Å to the GFPI, and the wavelengths higher than this value are
transmitted to the GRIS spectrograph.
The sketch of the optomechanical design and optical path from the focus F4 of the
GREGOR telescope (see Figure 3.2) to the CMOS camera is presented in Figure 3.3
and detailed in the next paragraphs.
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Figure 3.3 - Sketch of the optomechanical design and optical path from the focus F4 of
the GREGOR telescope (see Figure 3.2) to the CMOS camera. Top: The light
beam crosses the slit entrance and polarimeter package installed in the fifth
floor of the building, then it is reflected down to the fourth floor (bottom)
where it is collimated. The collimated bean reaches the grating ruling and is
then scattered. The camera mirror drives and focuses the slit spectrum in the
CMOS detector.

SOURCE: Collados et al. (2012)
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The entrance slit has a length of 50 mm, corresponding to 180” and a width of
70 µm (0.25”). The slit is oriented horizontally, and the field-of-view (FOV) not
used by the spectrograph is reflected back, with an inclination of 30°, to a slitjaw imaging system. This unit has three channels; one channel is used to obtain
images in a continuum window above 660 nm. A second channel is dedicated to
chromospheric imaging, while the third channel is unused. Slit-jaw image acquisition
can be synchronized with the other instruments.
After crossing the slit, the light beam is driven directly to the polarimeter package.
The polarimeter is composed by a polarizing beamsplitter, consisting of five cubes,
which generates two images of the slit that are linearly polarized at ±45° with respect
to the slit direction (COLLADOS et al., 2007). The separation of these two images is
28.2 mm. However, this separation it is too large. To solve this issue, a system of
prisms is used in the optical design to bring these two images closer together (with
a separation 18 mm) to fit them onto the detector (COLLADOS et al., 2008). The
scheme to correct the separation distance has previously been implemented at the
VTT, without notable aberrations in the observations. In this mode, the slit length
is reduced down to 18 mm (65”).
The light beam crossing the polarimeter package is conducted from the fifth floor
(Figure 3.3top) to the fourth floor (Figure 3.3botton) of the building through a flat
45° folding mirror. This mirror has two working positions to keep the light beam
on the optical axis with or without the polarimetric analyzer. In the fourth floor,
two flat mirrors address the light to the collimator and align the image of the slit
parallel to the diffraction grating ruling. Following the collimator, the light reaches
the grating and it is then scattered (COLLADOS et al., 2012).
The camera mirror leads the light to a final 45° flat folding mirror that gives rise
to the focal plane of the spectrograph. From the folding mirror, the light enters a
reimaging optic system comprised of a collimating doublet lens and a camera doublet
lens, which are responsible for the focal plane with the proper image scale on the
CMOS detector. The final image scale is 7.2” mm−1 , so producing a spatial resolution
of 0.13” pixel−1 . The high spatial resolution reached with the GRIS instrument can
be considered in the frontier in terms of observation of full Stokes of a chromopheric
line.
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Figure 3.4 - Czerny Turner configuration implemented in the GRIS spectrograph. The
light coming from a solar region, determined by the field of view, enters the
spectrograph through an entrance slit, then crossing the polarimeter package
to produce the full Stokes parameter. The concave mirror collimates the light
and reflects it onto the grating. The light diffracts and is reflected in the
direction of the camera mirror that is responsible to focus the light on the
CMOS detector, creating a spectra for each selected slit.
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SOURCE: Author

The GRIS spectrograph has a standard Czerny-Turner configuration. The CzernyTurner (CZERNY; TURNER, 1930) is the most widely used spectrograph configuration. The main advantages of this configuration are its relative simplicity and
wavelength flexibility. Once the design is all-reflective, it is naturally achromatic.
Vignetting at the edges of the spectrum is relatively large due to the considerable
distance between the output collimator and the reflection grating. Thermal instability is also an issue in this configuration; it is a factor of 5 higher than one of an
axial transmissive spectrograph (LONG, 2004).
The Czerny Turner configuration is presented on Figure 3.4. The slit selects a region
of the solar field of view and then the light beam crosses the polarimeter package.
The collimating mirror reflects the light onto the grating. The light diffracts and is
reflected in the direction of the camera mirror that focuses the light on the CMOS
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detector, creating the spectral map for the selected slit.
The GRIS spectrograph can achieve one of the best spatial and spectral resolution
for observation of both photosphere and upper chromosphere. The present study is
only feasible due to the approach provided by the GREGOR/GRIS, as a significant
advance in the spectropolarimetry. A summary of some main properties of GREGOR was presented in the Table 3.1, and for the GRIS spectrograph is displayed in
Table 3.2.
Table 3.2 - Summary of some main properties of the GRIS spectrograph
Description

Value

Spectrograph Design

Czerny-Turner

Wavelength range

10000 - 22000 Å

Spatial resolution

0.13”

Spectral resolution

18.03 mÅ

Infrared camera:
Detector

Rockwell TCM-8600

Resolution

1024 × 1024

Cooling system

Liquid nitrogen

Temperature operation

77 K

Pixel size

18 µm

Well depth

320,000 e−1

Frame rate

36 fr/s

Quantum efficiency

> 55% on infrared

Wavelength range

0.9 − 2.5 µm

Read noise

80 e−

Dark current

220 e− /s

Polarimeter:
Retarder

2 ferro-electric liquid crystal retarders (FLCR)

Polarizer

1 beamsplitter polarizer

Grating:
Grooves

316 grooves mm−1

Blaze angle

63.4°

Grating size

370 mm × 190 mm
SOURCE: Author
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4 GRIS observation and data reduction
We observed an emerging complex active region, NOAA 12552, with the GREGOR
Infrared Spectrograph (GRIS) aboard the 1.5-meter GREGOR solar telescope on
June 9, 2016. The center of the field-of-view (FOV) was located at 570” × 250”. The
seeing conditions were good during the full observation.
The time of observation started at 07:53:41 UT and extend to 09:02:35 UT. However, this observation presents only two image frames, the first one from 07:53:41
UT to 08:27:58 UT and the second one from 08:28:09 UT to 09:02:35 UT. So the
total observation time interval was 68 minutes where the scanning took 34 min for
each frame. The explanation for this long interval of only two frames is that GRIS
scans slit by slit, with a total exposure time of 100 ms, with 10 accumulation, and
performed it 700 times, that is the number of scans to compose the full scanned
image used in this work.
The coordinates of the observed region in the solar disk are presented in Figure 4.1.
The background image was obtained from the continuum observation of the Helioseismic and Magnetic Imager (HMI, Schou et al. (2012)) aboard the Solar Dynamics
Observatory (SDO, Pesnell et al. (2012)) using the Virtual Solar Observatory (VSO)
framework through the SolarSoft-Ware (SSW) tree. The arrow over the square border indicates the direction of the slit and the arrow outside the square represents
the course of the scan. Details about the slit and scan size are presented below.
Before presenting all the Stokes observation for each spectral line, it is essential to
compute the continuum image that is used as the reference for all the Stokes, as well
as, gives us a good overview of the active region. The continuum was measured by
doing the average of a spectral range in the Stokes I, where there are no absorption
or telluric lines. The selected range is from 10835.8 Å to 10837.3 Å. The continuum is
presented in Figure 4.2, where the axes are in pixel unit to show the image resolution
of 476×700 pixels, where 476×350 pixels for each frame. The y−axis is the distance
measured along the slit, and the x-axis is the distance along the scan. The involved
AR is characterized by having a sunspot and several pores, with a large penumbra
scattered among them. In this work, the Stokes I continuum is commonly used as a
reference for all the Stokes, and it will be represented by Ic . The continuum spectra
do not present a high spatial resolution due to the average of the spectrum.
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Figure 4.1 - Position of the GRIS data in the solar disk. The background image is the
continuum observation from the SDO/HMI. The initial slit position is centred
in 570” × 250”. The arrow over the square border indicates the direction of
the slit and the arrow outside the square represents the direction of the scan.
The scanned image has as resolution of 64.26” × 47.25” (46.59 Mm × 34.26
Mm) with a spatial resolution of 0.135” (∼98 km).

SOURCE: Author
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Figure 4.2 - GRIS observation of the active region NOAA 12552 in the continuum. The
intensity is an average of selected wavelengths where there is no absorption
or telluric line. The axis are in pixel to show the image resolution of 476” ×
700”, where 476” × 350” for each frame. The y−axis is the distance measured
along the slit and the x−axis the distance along the scan. The complex AR is
characterized by having a sunspot with several pores, and a long penumbra
scattered among them.
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In this work, we are focusing on analyzing the Si i 10827 Å for the photosphere
and He i 10830 Å for the upper chromosphere. An advantage of GRIS is that the
spectral profile for both lines is made at the same time, once the grating diffracts
the incident light in the full spectrum and accumulate it in the CMOS sensor.
To observe the active region NOAA 10552, the first slit was centered at the position
570” × 250”. Therefore, the distance between the slit center and disk center was
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r=

q

2
x2slit + yslit
= 622.41”. The heliocentric angle (θH ) can be determined as follow:

q

θH = arcsin 

2
x2slit + yslit

R


,

(4.1)

where R = 946.12” is the solar radius in arcsec. Thus, the heliocentric angle for
the slit center is 41.14° and µ = cos(θH ) = 0.75.
The slit has a length equivalent to 476 pixels, and the scan was done along 700
positions. Thus, the image resolution is 476 × 700 pixels, where 476 × 350 for each
frame. The distance between the center of two pixels in the x− and y− directions
is 0.135” (∼98 km). Therefore, the field of view of each frame is given by 64.26”×
47.25” (46.59 Mm × 34.26 Mm). This spatial resolution is in the frontier of Stokes
measurements for both photosphere and chromosphere.
The GRIS grating presents a spectral resolution of about 18.03 mÅ. The observed
spectral range comprises the wavelength from 10823.695 Å to 10841.880 Å. Thus,
there are 1010 equally spaced wavelengths along this range. Figure 4.3 shows the
spectrum of one slit observation by GREGOR/GRIS in the center of the active region
NOAA 12552. The y−axis is the distance measured along the slit in arcsecond and
the x−axis is the wavelength observed with the grating. The vertical dark bands
that seem to be oscillating are the absorption lines, where this movement is mainly
due to the Doppler effect over the spectral line. In the other way, the vertical dark
lines, that look static, are the H2 O telluric lines.
The spectrum presented in Figure 4.3 is the primary CMOS detection of the GREGOR/GRIS observation. After that, the polarimetric package needs to offset the
retardance angle of the FLCR, in order to obtain a similar spectrum for the other
Stokes. Since we have all Stokes spectrum for all the scanned slits, we can compute
the Stokes maps.
Using the GRIS spectrograph, we observe a broad spectral range from 10823.695
Å to 10841.880 Å, that comprehends ten spectral lines and four telluric ones. The
Table 4.1 presents the wavelength, loggf and the effective Landé factor (gef f ) for
each spectral line, as well as the wavelength of the four H2 O telluric lines.
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Figure 4.3 - The spectrum of one slit observed by GREGOR/GRIS in the center of the
active region NOAA 12552 for the unpolarized light (Stokes I). The spectral
range comprises the wavelength from 10823.695 Å to 10841.880 Å. There
are 1010 equally spaced wavelengths, with a spectral resolution of 18.03 mÅ
pix−1 . The y−axis is the distance measured along the slit in arcsecond and
the x−axis is the wavelength range. The vertical dark bands that seem to
be oscillating are the absorption lines, where this movement is mainly due to
the Doppler effect over the spectral line. On the other hand, the vertical dark
lines, that look static, are the H2 O telluric lines.
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10838.3

10841.9

Table 4.1 - Spectral lines in the wavelength range covered by GREGOR/GRIS
Line

Wavelength [Å]

Log gf

gef f

Si i

10827.0877

0.185

1.5

He ia

10829.0911

-0.745

2.0

Ca i

10829.3

He ib

10830.2501

-0.268

1.75

He ic

10830.3398

-0.047

0.875

H2 O Telluric

10831.626

H2 O Telluric

10832.108

Ca i

10833.382

-0.515

1.0

H2 O Telluric

10833.981

Na i

10834.848

-1.800

1.03

Na i

10834.848

-0.500

1.07

Na i

10834.907

-0.650

0.9

H2 O Telluric

10838.034

Ca i

10838.970

-0.033

1.5

1.0

SOURCE: Ramos et al. (2008)

In order to show the distribution and superposition of the spectral lines, we selected
the Stokes I/Ic profile of two pixels and present it in Figure 4.4. The black line
represents a pixel observed in a quiet region, with low polarization signal. Otherwise,
the red dashed line is the profile for a pixel observed above the umbra of a sunspot.
The splitting of the spectral lines is due to the Zeeman effect. There is a superposition
between Ca i and the blue component of the He i and a blend between the transitions
He ib and He ic, in the red component of the upper chromospheric line.
The Stokes map represent the polarization component of the measured light in the
linear and circular polarizations. They have their singularities for each spectral line,
e.g., for the photospheric line Si i 10827 Å line, the Stokes map observed is presented
on Figure 4.5. The Stokes I/Ic, Q/Ic, U/Ic and V/Ic are the ratio between the Stokes
maps and the continuum Stokes I (Ic ) presented on Figure 4.2. The Stokes I, Q and
U were obtained from the central line of the Si i 10827 Å, and the Stokes V from
the red wing (shifted 0.2 mÅ from the central line). The high polarization signal in
the photosphere can be seen in the Stokes Q, U and V, over the AR NOAA 12552,
indicating the presence of magnetic field by the Zeeman effect.
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Figure 4.4 - Stokes I profile for an observed pixel of the GRIS scann. The spectrum
comprises wavelengths from 10823.695 Å to 10841.880 Å and includes ten
spectral lines and four telluric. The black line describes a pixel observed in a
quiet region, with low polarization signal and the red dashed line is the profile
for a pixel observed above a sunspot umbra. The splitting of the spectral lines
is due to the Zeeman effect. There is a superposition between Ca i and the
blue component of the He i. The red bands are the spectral lines and the blue
ones the telluric lines.
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10840.00

Figure 4.5 - Stokes maps observed in the photospheric line Si i 10827 Å. The Stokes I, Q, U
and V are in relation to the continuum Stokes I (Ic ) presented on Figure 4.2.
The y-axis represents the distance (in arcsec) along the slit and the x-axis
along the scan. The Stokes I, Q and U were obtained from the center of
the Si i 10827 Å line and the Stokes V from the red wing. We can note by
the Stokes Q, U and V, a high polarization signal in the photosphere in the
region of the AR NOAA 12552, indicating the presence of magnetic field by
the Zeeman effect.
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The stokes maps were also computed for the chromosphere as presented by the
Figure 4.6. The polarization signal seen in the chromospheric Stokes maps are less
intense than in the photospheric line due to the lower magnetic field strength in the
chromosphere. We can note in the Stokes I/Ic, dark regions in 45° with the x-axis,
they are the filaments studied in this work. The filaments can be only seen in the
chromospheric strong line (Figure 4.6) and not in the photosphere (Figure 4.5).

Figure 4.6 - Stokes maps observed in the Upper chromospheric line He i 10830 Å. The
Stokes I, Q, U, and V are in relation to the continuum Stokes I (Ic ) presented
on Figure 4.2. The y-axis represents the Distance (in arcsec) along the slit
and the x-axis along the scan. The Stokes I, Q and U were obtained from
the central line of the He i 10830 Å and the Stokes V from the red wing.
We can note by the Stokes Q, U and V, a high polarization signal in the
chromosphere in the region of the AR NOAA 12552, indicating the presence
of magnetic field by the Zeeman effect. The polarization signal seen in the
Stokes maps are less intense than in the photospheric line due to the lower
magnetic field strength in the chromosphere layer. We can note in the Stokes
I/Ic, dark regions in 45° with the x-axis, they are the filaments studied in this
work. The filaments can only be seen in the chromosphere strong line and not
in the photosphere (Figure 4.5).
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A summary of all the main aspects of the GREGOR/GRIS observation used in this
work is presented on Table 4.2.

Table 4.2 - Summary of the main aspects concerning the GRIS dataset used in this work.
Parameter

Value

Date

2016-06-09

Frames

2

Obs. Time (UT)

#1: 07:53:41 − 08:27:58
#2: 08:28:09 − 09:02:35

Stokes

I, Q, U, V

Slit center X position

570”

Slit center Y position

250”

Heliocentric angle

41.14°

µ

0.75

Slit size (px)

476

Slit scans

700

Image Resolution (px)
Resolution

476 × 350
64.26” × 47.25” (46.59 × 34.26 Mm)

Spatial resolution

0.135” (97.88 km)

Spectral resolution

18.03 mÅ

Spectral range

10823.695 Å − 10841.880 Å

N spectral lines

10

N telluric lines

4

Exposure time

100 ms

Accumulation

10

B-angle

0.37°

P-angle

-12.01°

L-angle

319.21°
SOURCE: Author

4.1

Primary data reduction

The basic data reduction of the GREGOR/GRIS observational data is conducted
on-site applying the GRIS data pipeline. The primary levels include the correction
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of the flat-field, subtraction of the dark current, crosstalk removal and calibration
of the modulation matrix.
In order to perform the flat-field correction, a region of quiet-Sun and near to the
solar center was scanned with 15 scan steps and 10 accumulations while the telescope
was continuously changing the pointing.
The polarization observed by GRIS is computed through the modulation matrix
obtained from the calibration of the polarization modulator. This calibration is performed by calculating the response of the polarimeter for each observed wavelength
after producing light beams of known polarization states. It is achieved by including
a calibration unit at one of the focus, which contains a linear polarizer and a FLCR.
Thus, an observation similar to the usual is performed with the calibration unit in
the beam path. The observed matrix is then used as the modulation matrix.
The determination of the Stokes parameter is affected by temporal variations coming
from the seeing, that drives to false polarization signals. The effect of the seeing in the
polarization signals is called seeing induced crosstalk (SIC). The SIC was analyzed
in this work and corrected by using a statistical method explained in details in
Schlichenmaier and Collados (2002).
4.2

Pre-processing

The data reduction was conducted on site by applying the GRIS data pipeline. The
pre-processing is a step ahead of the data reduction. It includes many processes, and
some of them are here described.
4.2.1

Wavelength Calibration

Performing the wavelength calibration of the GRIS dataset is a requirement to
get the real spectral observation. To achieve an absolute wavelength calibration
is however a challenging task that depends on the instrument or even the spectral
window, it can be unreachable.
The GRIS observed spectrum holds numerous absorption lines and most of them
can present wavelength shifts due to solar rotation, to the relative motion between
Sun and Earth, waves, flows, convective blueshifts, as well as, many other effects
generated by both the instrument and the terrestrial atmosphere. The first step
consists in the selection of the solar quiet region.
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4.2.1.1

Selecting the Solar quiet region

In order to achieve a proper wavelength calibration, some few steps need to be
concluded. The first step is to select a region without induced wavelength shifts
from active regions. The mean continuum solar profile is obtained by selecting a
solar quiet region.
From the Figure 4.6 there are no clear regions which we would qualify precisely as
quiet Sun. This feature is solved by characterizing the degree of polarization for
each pixel (Ptot ). Therefore, the (Ptot ) was derived from the Stokes parameters as
given by the Equation (2.7). The threshold for the magnetic activity classification
was taken as the 3σ level of (Ptot ).

Ptot

√ 2
Q + U2 + V 2
=
,
Ic

(4.2)

where Ic is the continuum spectrum, Q and U are the maps for the Stokes Q and U
observed in the center line and V in the red wing of the Stokes V. Figure 4.7 shows a
map of the degree of polarization (Ptot ) for the photospheric and chromospheric lines.
Large regions with height polarization degree, followed by non-polarized regions
can be identified in the map. To perform the calibration, we select a region with
lower polarization for both photosphere and chromosphere, as presented in the white
square. A concern with this method is that it consistently performs to select the
internetwork regions, which indicate the mean profile may present a small offset due
to convective blueshifts.
4.2.1.2

Wavelength scale

The wavelength profile observed by GRIS comprises the wavelength from 10823.695
Å to 10841.880 Å. In order to obtain the wavelength dispersion for the dataset, we
made use of two H2 O telluric lines as the wavelength reference.
The first telluric line selected to perform the wavelength calibration, is the 10832.108
Å next to the red component of the He i 10830 Å triplet, and the other one is
the 10833.981 Å placed between Ca i and Na i lines. The telluric wavelengths are
described on Breckinridge and Hall (1973) with observation from the McMath Solar
Telescope (PIERCE, 1964).
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Figure 4.7 - Map of the degree of polarization (Ptot ) for the (T op) Photosphere with the Si i
10827 Å central line for the Q and U and red wing for the stokes V. (Bottom)
(Ptot ) for the chromosphere with the He i 10830 Å triplet. The lower polarized
region, selected to perform the continuum calibration, is shown by the white
square.
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Using the two telluric lines as a wavelength reference, we may perform the wavelength
calibration. In Figure 4.8 we present the result of the calibration, with the x−axis
presenting the real wavelength obtained from the presented procedure. The two
red lines indicate the H2 O telluric lines used as the wavelength reference for the
calibration.
A close comparison between the two telluric lines and the atlas profile of the Fourier
Transform Spectrometer (FTS) (NECKEL; LABS, 1984) provided a wavelength dispersion of 18.03 mÅ.
According to Breckinridge and Hall (1973), the wavelength estimations for three
water lines around 10830 Å and those at 10832.108 Å, 10833.981 Å have errors less
than 1 mÅ and thus provide an excellent calibration of wavelength in the vicinity
of the He triplet. The 1 mÅ error matches to a Doppler velocity of 30 ms−1 which
means an excellent accuracy for both photospheric and chromospheric velocities.
4.3

Comparison to FTS atlas

To perform the pre-processing, an average profile was computed from all the spectra in the quiet Sun (QS). Then, we compare the QS spectrum to the FTS atlas
developed by Livingston and Wallace (1991). The idea is to obtain the best fit between the QS profile and the FTS atlas. To eliminate the spectral lines, we selected
all measurements from the QS spectrum having FTS atlas intensity between 0.99
and 1.01. We then fit the data with a polynomial curve. The polynomial order was
allowed to vary, then we chose the best fit.
We approximated the point spread function (PSF) of GRIS by using the method of
Prieto et al. (2004) and Solana et al. (2007). Aiming to perform it, we assumed that
the PSF of the FTS is a delta function and then degraded its spectrum until it fits
the QS profile recorded by GRIS. According to Franz et al. (2016), the QS spectra
from GRIS (I GRIS ) is given by
FTS
I GRIS = Iconvol
=

IFTS + S
⊗ G(ω),
1+S

(4.3)

where I F T S is the QS spectra from FTS, S is the fraction of spectral scattered light
and ⊗ is the convolution. The spectral PSF is assumed to be a Gaussian (G) and
ω the full width at half maximum (FWHM). We then obtained the best agreement
between GRIS measurement and degraded FTS atlas.

64

Figure 4.8 - Wavelength scale calibration based on two telluric lines. In black the mean
quite solar profile and in red the telluric lines 10832.108 Å and 10833.981 Å,
described by “Telluric 10832” and “Telluric 10834”, respectively. The green
regions denote the selected points to normalize the continuum. A relation
between the two telluric lines and the atlas profile of the Fourier Transform
Spectrometer resulted in a wavelength dispersion of 18.03 mÅ. The y−axis
was drawn subsequent to the wavelength scale calibration.
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4.4

Noise level

The determination of the noise level, by using the Root Mean Square (RMS) for
each Stokes parameter, is crucial to determine which phenomena can be observed,
as well as, to set the operational mode of the spectropolarimeter.
There is a tradeoff between the solar evolution speed and the RMS noise. The
minimum and maximum integration time of each slit observation depend on the
spatial sampling, the evolution speed (∼7 kms−1 in the photosphere and up to ∼35
kms−1 in the chromosphere), the flux of photon (photon budget), and the RMS
noise. In order to verify the quality of the Stokes data, the RMS noise measurement
of the Q, U, and V is performed.
To compute the RMS noise, we first need to select a quiet solar region in the stokes
maps. To perform the best selection we picked 100 pixels with the lowest degree of
polarization given by the Equation (2.7). Then, we compute the RMS noise for the
range from 10823.713 Å to 10824.055 Å of each Stokes spectral profile. This range
means a series of 20 wavelengths, at the beginning of the spectrum observed by
GRIS, and represent the main wavelength range without any spectral absorption or
telluric line.
The computed RMS noise was 1.10 × 10−3 Ic for the Stokes Q, 1.18 × 10−3 Ic for the
Stokes U, and 1.19 × 10−3 Ic for the Stokes V.
Depending on the inclination of the magnetic field to the line-of-sight (LOS), the
Stokes Q and U can present a weak signal level (in the order of 10−3 ), that can
interfuse with the noise signal. Based on that, we need to improve the signal to
noise ratio (SNR) by reducing the RMS noise.
There are many ways to reduce the RMS noise by changing the spectropolarimeter
mode, like increasing the integration time, exposure and accumulation. However, it
is not feasible once the observation was already done. We can improve the RMS in a
dataset, like performing an image binning or employing a low-pass filter. However,
both binning and filter can directly affect the spatial resolution of the data. An
estimation of the “minimum distinguishable spatial resolution”, by using the power
spectrum, is presented in the next section.
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4.5

Power Spectrum

According to the Table 4.2, the spatial resolution of the GRIS spectrograph is 0.135”.
It means that the distance between the center of two pixels in the x− or y−direction
is 0.135” (∼98 km). However, due to the seeing, relative motions, and convective
blueshifts, the size of the minimum discernible structure is not well represented by
this value.
In order to compute the “real spatial resolution”, we need to observe the power
spectrum of the observed data. The essential idea behind this is to calculate the
Fourier power spectrum of the spatial frequencies and to discard the frequencies
where there is no more clear information in the data (only white noise).
Given a specific wavelength and Stokes parameter, we calculate the Fourier power
along each slit for all the 700 slits. Then, we did the average of all these power
spectra and obtained the final Fourier power spectrum.
Once we have the Fourier power spectrum, we can discriminate where the power is
equivalent to the white noise and then calculate the size of the minimum discernible
structure.
Figure 4.9 shows the Fourier power spectrum vs. (spatial frequency)−1 for all the
Stokes of the photospheric line. For the Stokes I, Q and U, the power spectrum
was performed with the center of the Si i 10827 Å line, and with the red wing for
the Stokes V. From the power spectrum, we determine the size of the minimum
discernible structure, that was 0.40” for the Stokes I, 0.55” for Q and V, and 0.52”
for the Stokes U.
The Fourier power spectrum for the chromospheric line is presented on Figure 4.10.
The size of spatial resolution observed was 0.47” for the Stokes I, 0.45” for Q and
U, and 0.52” for the Stokes V.
4.5.1

Seeing condition

The Earth’s atmosphere produces irregular motion in the image observed by the
telescope. Fluctuations in the refraction index along the Earth’s atmosphere produce image degradation. This effect is usually called seeing and restricts the telescope resolution (ÖZIŠIK; AK, 2004). The Fried parameter r0 (FRIED, 1965) describes
the seeing effect and can be measured from the image motion in a small telescope
(TOKOVININ, 2002).
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Figure 4.9 - Fourier power spectrum of the spatial frequencies for the Stokes I, Q, U and
V for the Si i 10827 Å line. The displayed spectrum is the average of all
the spectra along the slits. The red dashed line is the equivalent of white
noise, where every spatial frequency has the same power. The blue dashed
line determines the size of the minimum discernible structure, that was 0.40”
for the Stokes I, 0.55” for Q and V, and 0.52” for the Stokes U.
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Figure 4.10 - Fourier power spectrum of the spatial frequencies for the Stokes I, Q, U and
V for the He i 10830 Å line. The spectrum is the average of all the spectra
along the slit. The red dashed line is the equivalent of white noise, where
every spatial frequency has the same power. The blue dashed line determines
the size of the minimum discernible structure, that was 0.47” for the Stokes
I, 0.45” for Q and U, and 0.52” for the Stokes V.
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The differential image motion produced by turbulence can be measured with a
DIMM (Differential Image Motion Monitor) (SARAZIN; RODDIER, 1990). The Solar – Differential Image Motion Monitor (S-DIMM) is based on the DIMM, and it is
used for solar observations by attaching a solar filter to it. Differential motions of the
solar limb are observed with the S-DIMM in order to calculate the Fried parameter
(BECKERS, 2001).
The Fried parameter, is a measure that manages the coherence diameter of the
atmosphere (HUNT AMBER L. ILER, 2018). It can be given by


r0 = 1.67λ−2 sec ζ

Z ∞
0

Cn2 (z)dz

−3/5

,

(4.4)

where λ is the wavelength, ζ is the zenith angle and Cn2 (z) is the turbulence profile
along the altitude z. The r0 is inversely proportional to the integral of the turbulence
profile along the LOS through the atmosphere. Therefore, a larger Fried parameter
corresponds to a smaller distortion being imposed on a focal plane image by the
turbulent atmosphere. In other words, a larger Fried parameter means better seeing
condition.
The Fried parameter r0 over the scan number is presented on Figure 4.11. The x−
axis presents the 700 scans of the full observation. We can note the seeing condition
is better in the beginning of the observation. The hr0 i = 12.04 cm for the first frame
and hr0 i = 9.50 cm for the second, so the first frame has a better seeing. Figure 4.12
presents the histogram of the relative frequency distribution of Fried parameter. The
mean r0 is 10 cm, it means the seeing condition can be considered good along the
observation.
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Figure 4.11 - Fried parameter r0 observed along all the 700 slit scans. The first scan started
at 07:53:41 UT and last 09:02:35 UT. We can note the r0 reaches values larger
than 15 cm in the beginning of the observation, indicating a better seeing
condition in the first frame. The seeing can be consider good along all the
observation.
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Figure 4.12 - Histogram of the relative frequency distribution of the Fried parameter. The
hr0 i = 10 cm for our observation dataset.
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5 Arch filament system and temporal evolution
5.1

Description of the filaments

The arch filament system studied in this work consists of filaments over the NOAA
AR 12552 observed with full Stokes for the He i 10830 Å line. The filaments are
visible in the Stokes I, that are taken in relation to the continuum (Ic, Figure 4.2)
in order to enhance only the chromospheric structures.
Some of the filaments visible in the upper chromosphere are presented in Figure
5.1 and highlighted by the yellow contours. The red lines present the umbral region
and the white dashed line the penumbral regions both selected from the continuum
measurement (Figure 4.2), computed in the previous section.
The top panel background of Figure 5.1 shows the Stokes I/Ic map where the filaments are distinguishable from the surrounding area. The bottom panel background
is the Stokes V/Ic where we can see the different polarities of the umbral regions.
From the Stokes V/Ic we can conclude that the filament follows the field line that
connects inverse polarities, crossing the PIL line (described in the Section 7.4). We
can note that most of the filaments also follow the field line that connect the leading
sunspot (presented with the letter L in the first panel) to the trailing sunspot (letter
T in the first panel). The leading is positioned in the dark region of the Stokes V
(negative) and the trailing in the bright region (positive). However, it does not mean
any magnetic polarity, once the same Stokes V map took from the blue wing would
present an inverse color.
In Figure 5.1 the leading sunspot seems to be more to the west than the trailling,
however it is due to the GREGOR/GRIS scanning, as presented in the Figure 4.1.
The correct position would be like the one taken from the HMI in Figure 5.3 of the
Section 5.2.
In order to investigate the physical properties of the filament over the active region,
we determine the length, width, and distance between the filaments. The distances
are computed using the relation between spatial resolution units, where 1 Mm ≈
0.735” ≈ 0.098 pixels. The width is determined taken the average width along the
filament length.
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Figure 5.1 - Filaments over the upper chromosphere. (Top) The background is the Stokes
I/Ic map, integrated 0.4 Å around the He i 10830 Å central line. (Bottom)
Stokes V/Ic map integrated 0.4 Å in the red wing of the He i 10830 Å line.
The yellow contours outline the selected filaments. The red lines represent
the umbral regions and the dashed white line delimits the penumbral area
obtained from the continuum map (Figure 4.2).
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Figure 5.2 - Geometry and distances of the filaments previous presented in Figure 5.1. The
filaments are represented as the red contours with the number from 1 to 4
(in red). The width, length, and distances between filaments are displayed in
Mm (1 Mm = 1.34”).
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Figure 5.2 presents the distances and distribution of the filaments previous presented
in Figure 5.1. The filaments are represented as the red contours with the number
from 1 to 4 (in red). The width, length, and distances between filaments are displayed
in Mm. The filament length comes from 7 Mm to almost 16 Mm, the width from
1.45 Mm to 2.72 Mm and the distances between the filaments are from 5 to 9 Mm.
The physical distances were computed for both frames, a description of the results
is presented in Table 5.1.
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Table 5.1 - Length, width, and distances between the filaments in the two frames observed
with GRIS in the He i 10830 Å line
Filament

Frame 1

Frame 2

Length (Mm)

13.70

14.86

Width (Mm)

2.13

1.97

Length (Mm)

16.19

15.69

Width (Mm)

1.59

2.72

Length (Mm)

6.94

8.07

Width (Mm)

1.59

1.62

Length (Mm)

8.04

8.98

Width (Mm)

1.33

1.45

Distance fil. 1 and 2 (Mm)

6.10

5.30

Distance fil. 2 and 3 (Mm)

6.81

5.07

Distance fil. 3 and 4 (Mm)

9.69

9.03

Filament 1:

Filament 2:

Filament 3:

Filament 4:

SOURCE: Author

Many studies have been dedicated to investigating the physical properties of the
filaments, like their length, height, width, and magnetic field strength. The typical
length for the QS filaments is between 60 and 600 Mm (TANDBERG-HANSSEN, 1995),
with an average of 200 Mm (ENGVOLD, 2015), however, can reach more than 600
Mm, as observed by Sankarasubramanian et al. (2005) and Kuckein et al. (2016). By
contrast, the length of the AR filaments does typically not exceed 30 Mm (MURDIN,
2002). According to Priest (2014), the average length of the AR is 10 Mm. In the
present study, the filament observed in the He line presents a length from 7 Mm to
almost 16 Mm.
Yan et al. (2015) observed QS filaments, with width range from about 2.3 Mm to
3.3 Mm and average of 2.9 Mm. According to Priest (2014), the average thickness of
the QS filament is from 3 to 10 Mm. In this work, we found that the filaments have
a width values from 1.33 to 2.72 Mm, with an average of 1.8 Mm. Therefore, the
average width, based on our filaments observation, is from 1.6 to 5.5 times narrower
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than the QS filaments.
5.2

Temporal evolution of emerging magnetic flux

The extensive time to conclude a cycle operation for the GRIS slit scan take it a
disadvantage for the spectrographs in the temporal cadence. For the data presented
in this work, there are only two frames, representing only two time instants.
To support the investigation of the transient evolution of the emerging magnetic flux,
the dataset was based on time series of the HMI magnetograms aboard the Solar
Dynamics Observatory (SDO, Pesnell et al. (2012)). The Helioseismic and Magnetic
Imager (HMI, Schou et al. (2012)) is designed to measure the Doppler shift, intensity,
and vector magnetic field at the solar photosphere using the Fe i 6173 Å absorption
line (NORTON et al., 2006). The HMI instrument operates as a filtergraph, where it
takes a sequence of images at distinct wavelengths and polarizations that are then
combined to determine the solar physical parameters. It operates in contrast with
spectrographs, (e.g., GRIS), that take spectra while scanning over the field of view.
The HMI time series was obtained from the Joint Science Operations Center (JSOC)
based using the Virtual Solar Observatory (VSO) framework through the SolarSoftWare (SSW) tree. The time interval of the selected dataset comprehends 48 h, from
June 6, 2016 at 07:53 UT to June 10, 2016 at 19:52 UT, within a cadence of 6 min.
The acquired data for the analysis were the continuum and the LOS-magnetic field.
Both images have a 4096 × 4096 image resolution, 0.504” spatial resolution and the
LOS-magnetic field has a precision of 10 G.
The data images were compensated by the solar differential rotation using the expansion
ω = A + Bsin2 ϕ + Csin4 ϕ,
(5.1)
where ϕ is the latitude. We made use of the rotation coefficients obtained by Howard
et al. (1990) (where A = 2.894 ± 0.011, B = −0.428 ± 0.070, and C = −0.370 ±
0.077 µrad.s−1 ). The reference time for compensation of all the images is June 8,
2016 at 07:52 UT, beginning time of the first GRIS slit scan.
In order to compute the magnetic flux over the AR 12552, we did an image cut
out to extract the region-of-interest (ROI) that cover the AR. The ROI is presented
in Figure 5.3 (as a blue rectangle) over the HMI continuum map (top) and LOSmagnetic field map (botton). The ROI has a 59 by 63 arcsec. and encompasses the
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AR as a whole for all the time interval cited above. The red rectangle in Figure 5.3
is the GRIS field-of-view (FOV) acquired with the full slit scan. Both images were
observed at 07:52 UT on June 9th, 2018, at almost the same time as the GRIS scan
(at 07:53 UT). The GRIS scan starts on the left and ends in the right of the red
rectangle, producing a mirrored image of that shown by the HMI.
An analysis of the temporal evolution of the HMI continuum shows a progression
of the emerging magnetic flux in the AR 12552, starting from two sunspots and
few pores (first frame) to a very complex structure with extended penumbra and
light bridges (last frame). The sunspot area (umbra + penumbra) grows about three
times its size. Figure 5.4 shows the evolution of the of this AR in six time frames,
the first 24 h before and the last almost 24 h after the GRIS observation.
The maps of magnetic field evolution give us a foresight of both negative and positive
magnetic flux increases. The Figure 5.5 shows the evolution of the LOS-magnetic
field in six time frames during 48h. The black and white are negative and positive
polarities, respectively.
Once we have the magnetic field map over time as displayed in Figure 5.5, we can
calculate the time evolution of the magnetic flux. Therefore, we integrate the magnetic field throughout the restricted area in the ROI (blue rectangle in Figure 5.5).
The integration was computed by splitting the positive and negative magnetic fields
in order to obtain both magnetic fluxes. Figure 5.6 shows the evolution of the positive and negative magnetic fluxes in the ROI area for a period of 48 h. The magnetic
fluxes increase along time indicating the emerging magnetic flux in the photosphere,
building a more complex AR.
5.2.1

General description of the ROI

The GRIS observation was made at the time that most of the magnetic flux had then
emerged in the photosphere, as shown by the dashed line in Figure 5.6. Therefore,
the results of our study lead us to observe and analyze the inquiries related to the
flux emergence in our region of interest.
Based on the HMI LOS-magnetic field map, the AR12552 becomes visible at around
06:00 UT on June 7th, 2016 emerging from two pores with reverse polarities. The
AR vanishes entirely in the solar limb at around 01:00 UT on June 13th, 2016.
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Figure 5.3 - Overview of the AR 12552 at 07:52 UT on June 9th, 2018, observed with the
SDO/HMI. In the (T op) The continuum image where we can see the complex
AR including umbra, penumbra, pores, and light bridges. In the (Botton)
The LOS-magnetic field, where the black and white are negative and positive
polarities, respectively. The blue rectangle designated the region-of-interest
(ROI) covering all the AR and used to compute the magnetic flux. The images
were observed nearly the GRIS scan start time (07:53 UT). The red rectangle
is the GRIS field-of-view (FOV) acquired from the full slit scan, starting from
the left to right of the rectangle.
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153

Figure 5.4 - Evolution of the emerging magnetic flux in the AR 12552 in the HMI continuum, presented in six time frames, the first 24h before and the last almost 24 h
after the GRIS observation (between the 3rd and 4th frame). We can note the
evolution starting from two sunspots and few pores (f irstf rame) to a very
complex structure with extended penumbra and light bridges (lastf rame).
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Figure 5.5 - Evolution of the emerging magnetic flux in the AR 12552 in the HMI magnetograms, presented in six time frames, the first 48h before and the last 48h
after the GRIS observation (between the 3rd and 4th frame). The black and
white are negative and positive polarities, respectively.
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Figure 5.6 - Evolution of the magnetic flux computed for the HMI LOS-magnetic field
comprising the ROI (blue rectangle in Figure 5.3). The red and blue lines
describe the magnetic flux of the positive and negative polarity, respectively.
The dashed vertical lines denote the GRIS observation time. We can note an
increment of the magnetic flux due to the emerging magnetic flux in the AR
12552.
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40

The first penumbral regions start at 05:00 UT on June 8th, 2016 and many small
magnetic features with positive and negative polarities emerge between the two
initial pores. The region presents a clockwise rotation merging the penumbras of
different polarities. During the GRIS scan, both magnetic fluxes were stable over
about one hour.
The growth rate of the two polarities was different from each other, increasing much
faster the positive polarity. There is a disproportion in the magnetic flux polarities
that is not shown in the Figure 5.5. The negative polarity has a initial magnetic flux
21
20
of φ−
W b and the positive polarity a flux of φ+
W b.
0 = 2.03 × 10
0 = 2.93 × 10
The difference in the magnetic flux of about 1.74 × 1021 W b may indicate that the
determined ROI does not entirely comprise the whole bipolar region, with the flux
moving over the ROI frontiers, or that there are many other magnetic structures
surrounding that are not related to the AR.
The AR reaches the maximum positive magnetic flux (1.24 × 1021 W b) 2.5 days
after the first visible magnetic flux emergence (6 hours after the GRIS observation).
Meanwhile, the magnetic flux of negative polarity is still increasing.
At the end of our dataset, the AR starts to come pretty close to the solar limb.
There, the AR presents many distortions, like vertical elongation and horizontal
flattening, which make the analysis difficult due to the distortions. In a general way
we can consider, the analyzed data are over an emerging flux region (EFR).
5.2.2

Evolution of the magnetic flux in the GRIS dataset

The GRIS dataset is composed of only two frames, where the column of each frame
has a specific observation time. To compute the magnetic flux in the photosphere
and chromosphere, observed with GRIS, we will assume that each frame is observed
in a particular time interval. This assumption does not affect the result, once we are
not using a large temporal cadence in the HMI observations.
In order to estimate the magnetic flux applied for the GRIS data, we obtained the
magnetic field intensity in the line of sight (LOS). The BLOS and the full magnetic
vector is performed with the Helix inversion code, detailed in the Section 2.7, and
all the inversion result is presented in the Chapter 7.
21
The φ+
W b is the positive magnetic flux for the first frame of
He,f 1 = 7.35 × 10
21
the Helium line observation, and φ+
W b is the flux for the second
He,f 2 = 7.76 × 10
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frame. Then, the positive flux in the upper chromosphere is almost 6% larger for the
22
second frame. The negative flux in the chromosphere is φ−
W b for
He,f 1 = 2.32 × 10
−
the first frame, and φHe,f 2 = 2.27 × 1022 W b for the second, decreasing more than
3% between the frames.
In the photosphere, the magnetic flux was computed observing the Si line. The
22
positive flux in photosphere is φ+
W b for the first frame, and
Si,f 1 = 1.53 × 10
+
φSi,f 2 = 1.58 × 1022 W b for the second one, increasing more than 3% between the
22
W b is the negative magnetic flux in the frame 1,
frames. The φ−
Si,f 1 = 3.51 × 10
−
and φSi,f 2 = 3.48 × 1022 W b in the flux for the frame 2, which decrease less than
1%.
From the two previous paragraphs, we can conclude that the positive flux increases
for both photosphere and upper chromosphere. These results are in agreement with
the temporal evolution of the magnetic flux presented in Figure 5.6 (red line). Furthermore, the negative flux increase for both He and Si lines in the analysis of the
two frames, which are also in accordance with the blue line presented in Figure
5.6. For both frames, the positive magnetic flux in the photosphere is twice the
flux in the upper chromosphere, and the negative magnetic flux is 1.5 larger in the
photosphere.
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6 Doppler velocity
The oscillations in the dark bands presented in Figure 4.3 are derived from the
Doppler effect. These oscillations can be seen in the Si i 10827 Å and in He i 10830
Å line. The Doppler effect is caused by the upflows and dowflows in the region
populated by both elements. In this chapter, we focus on the analysis of the Doppler
velocities for both the photosphere and chromosphere layers.
We start by analyzing the Doppler velocity in the chromosphere, that presents many
particular steps, with much more process to be performed before getting the Doppler
velocity.
According to Penn and Kuhn (1995), the He i 10830 Å triplet of the neutral helium
is a set of transitions that take place between the levels 1s2s3 S1 − 1s2p3 P0,1,2 . Two
spectral features arise from the He i triplet system, we call it as "blue" and "red"
components. The blue component is placed at 10829.09 Å and it comes from the
2s3 S1 −2p30 transition. The red component is a blend of two spectral He i lines placed
at 10830.25 Å and 10830.33 Å and is originated from the 3 P1 and 3 P2 levels.
The first observation of multiple flows in the He i 10830 Å line was made by Schmidt
et al. (2000), investigating a small plage region using the echelle spectrograph of the
German Vacuum Tower Telescope (VTT).
In order to compare our Doppler measurements with the sound speed, we have to
determine it for the chromosphere. An approximation for the sound speed (cs ) in
chromosphere is given by using the ideal gas law, so the cs for the ideal gas becomes
s

cs =

γi kTc
,
ms

(6.1)

where γi ≈ 5/3 is the adiabatic index, k ≈ 1.38×10−23 m2 kgs−2 K−1 is the Boltzmann
constant and ms ≈ 1.67 × 10−27 kg is the mass for a single molecule. The typical
formation temperature (T ) of the He i line is from 8000 to 10000 K. Thus, the sound
speed in the formation height of the He line is about 10 kms−1
6.1

Telluric line subtraction

The H2 O telluric line, placed at 10832.108 Å commonly superposes the fast component of the He line when the line presents a redshift due to the Doppler velocity.
Therefore, we need to remove the telluric line from the spectrum so that we can
clearly observe the pattern of the fast component.
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Figure 6.1 - Spectral profiles of the Stokes I/IC centered in the 10832.108 Å telluric line.
The gray lines are the Lorentzian profiles for each pixel of the map and the
red line is the mean intensity profile. We note the center of all fitted models
is well defined in accordance to the telluric line center. However, the spectral
line amplitude shows a considerable variation that needs to be improved.
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In order to fit the telluric profile for each pixel of the map we use the Lorentzian
profile (L), as described above.

L(x) = 1 − 

A0
,

x − A1 2
+1
A2

(6.2)

where A0 is the Lorentzian profile amplitude, A1 the peak centroid and A2 , the
half-width at half-maximum (HWHM). To perform the least squares curve fitting
we used the Levenberg–Marquardt algorithm (MORE, 1978).
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Figure 6.2 - Spectral profiles of the Stokes I/IC centered in the 10832.108 Å telluric line.
The colored curves are the Lorentzian profiles obtained for each pixel, with
the corresponding color referring to the slit number. We note there is a fragmentation of profiles with the same colors and different amplitudes, indicating
there is amplitude variation of the telluric line along the scan.
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We used the fit parameters retrieved from the Lorentzian fit to create the synthetic
profiles of the telluric line. To perform the subtraction of the 10832.108 Å line, we
averaged all synthetic spectral profiles from each pixel of the map and then, compute
the mean intensity profile. To completely cover the telluric profile, a range between
10831.481 - 10832.562 Å was selected, within a total of 60 points in the spectrum.
Figure 6.1 presents the result of the mean intensity profile, where the gray lines
are the Lorentzian models for each pixel of the map and red line is the averaged
intensity profile.
The center of the telluric line is clearly defined along all the pixels. However, we can
see a substantial variation in the amplitude of the telluric profile. When we subtract
the computed telluric line from the original spectrum, we found large fitting errors.
In order to improve the telluric profile fitting, we investigate the variation of the
telluric line amplitude over time. Each slit of the GRIS scanning represents one time
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interval. To analyze if the variation of the synthetic profile amplitude is related to
each time interval (each slit) we developed the same plot of the Figure 6.1, however
with different colors for each slit.
The result is presented in Figure 6.2, where the curves represent the telluric profiles
for each pixel, and each color represents one slit. The fragmentation of the profiles
is evident, confirming that there is an amplitude variation in the telluric line a long
time, and then we can compute separated synthetic telluric profiles for each slit.
The synthetic telluric line is properly represented by the Lorentzian profile. However,
for the spectral line, we made use of the Voigt profile to fit all the lines. Details of
the Voigt profile are presented in the next section.
6.2

Voigt profile

In the solar atmosphere, there is a diversity of broadening mechanisms. Some mechanisms, like the thermal broadening, have a Gaussian profile and some others, like
damping, have a Lorentzian profile (LIEBENBERG et al., 1975).
The approach to reach an accurate absorption profile must be made with the convolution of the thermal broadening and the damping profile. The damping profile
is the reaction of oscillators (atoms) to the external radiation field, and the thermal broadening is due to random motion of atoms in the solar plasma (RAUTIAN;
SOBEL’MAN, 1967).
To obtain the mutual effect of both broadening mechanisms, we need to convolve
the Gaussian G(ν) and Lorentz profile L(ν). The G(ν) and L(ν) function are given
by:
2
1
2
e−(ν−ν0 ) /∆νD ,
(6.3)
G(ν) = √
π∆νD
L(ν) =

γ/4π 2
,
(ν − ν0 )2 + (γ/4π)2

(6.4)

where ∆νD is the Doppler width and γ is the damping constant. We can define
V (ν) = G(ν) ∗ L(ν). Thus,
V (ν) =

Z +∞

G(ν 0 )L(ν − ν 0 )dν 0 .

−∞
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(6.5)

In order to simplify, we can assume the follow transformations:
v=

ν − ν0
,
∆νD

(6.6)

a=

γ
,
4π∆νD

(6.7)

y=

ν 0 − ν0
.
∆νD

(6.8)

Thus, the Equations (6.3),(6.4) and (6.5) can be rewritten as follow:
G(ν) = √

L(ν) =
and

1
2
e−y ,
π∆νD

a/π∆νD
,
y 2 + a2

2
e−y
a Z +∞
1
dy.
V (ν) = √
π∆νD π −∞ (v − y)2 + a2

The Voigt function is defined as H(a, v) =

√

(6.9)

(6.10)

(6.11)

π∆νD V , then

2
e−y
a Z +∞
dy.
H(a, v) =
π −∞ (v − y)2 + a2

(6.12)

The Voigt function was first time reported by Voigt (1913). H(a, v) has no analytical
solution. More details related to the Voigt function is presented on Mihalas (1978).
The parameter v can be determined as a function of the distance from the center of
the spectral line, as
λ − λ0
v=
,
(6.13)
∆λD
where ∆λD is the Doppler width given by
s

2kT
λ0 2
∆λD =
ζmic +
.
c
ma

(6.14)

On the Equation (6.14), c is the speed of light, ζmic is the microturbulence velocity,
k is the Boltzmann constant, T is the temperature and ma is the mass of the atom.
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6.2.1

Pseudo-Voigt

The integral of the Equation (6.12) has no analytical solution, so can be estimated
only numerically. The numerical integration is very time consuming and complex,
as well as, inaccurate if the algorithm or the program is improperly designed (LIU et
al., 2001). In order to perform a reliable solution for the Equation (6.12), we made
use of the pseudo-Voigt function.
According to Wertheim et al. (1974), the pseudo-Voigt function is a linear combination of Gaussian and Lorentzian functions with the same full-width-at-halfmaximum (FWHM) values, it means the pseudo-Voigt is a simple approximation
for the Voigt profile function. The maximum deviation between the exact Voigt
profile and the optimized pseudo-Voigt approximation is 0.77% relative to the peak
height (IDA et al., 2000).
Thompson et al. (1987) have introduced a suitable representation of the pseudoVoigt function by approximating the Voigt profile, in a way that the FWHM and
Lorentzian weight of the pseudo-Voigt function is related to the FWHM of the
deconvoluted Gaussian and Lorentzian profiles.
In the present work, we made use of the extended formula of the pseudo-Voigt
function proposed by Thompson et al. (1987). The normalized pseudo-Voigt function
is defined as
Vpseudo = (1 − η)G(x; γG ) + ηL(x; γL ),
(6.15)
where G(x; γG ) is the normalized Gaussian and L(x; γL ) the normalized Lorentzian
function.
Thompson et al. (1987) have proposed expression for the pseudo-Voigt approximation, with FWHM values of ΓG for the Gaussian and ΓL for the Lorentzian function.
In this expression η is a function of ΓG , ΓL and ΓV

ΓL
ΓL
− 0.47719
η = 1.36603
ΓV
ΓV

!2

ΓL
+ 0.11116
ΓV

!3

,

(6.16)

and the total FWHM (ΓV ) is given by:
ΓV = (Γ5G + 2.69269Γ4G ΓL + 2.42843Γ3G Γ2L
+4.47163Γ2G Γ3L + 0.07842ΓG Γ4L + Γ5L )1/5 .
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(6.17)

The FWHM for the Gaussian and Lorentzian profiles are given respectively by (LIU
et al., 2001):
√
ΓG = 2σ 2 ln 2,
(6.18)
and
ΓL = 2γ.

(6.19)

Olivero and Longbothum (1977) proposed an approximation, but highly accurate
formula relating the FWHM of the Voigt profile to both FWHM of the Gaussian
and Lorentzian profile, as bellow
ΓV ≈ 0.5346ΓL +

q

0.2166Γ2L + Γ2G .

(6.20)

According to Oks (2017), the Equation (6.20) for the FWHM of the Voigt profile
has the accuracy of 0.02%.
6.3

Chromospheric Single-flow

As a first approach to obtain the LOS velocity for the red component of the He i
line, we assume a single flow, with a Voigt profile. This approach performs the best
profile to recover the absorption line fit for the Si line and also for almost all the
regions of the chromospheric lines.
According to the NIST database (KRAMIDA et al., 2018), the two spectral lines comprising the He red component are located on 10830.2501 Å and 10830.3398 Å. However, the wavelength reference used to compute the LOS velocities assuming a single
flow is fixed to 10830.30 Å, corresponding to the average laboratory wavelength of
the He i red component.
A map of the LOS velocity inferred by fitting a single Voigt profile is presented in
Figure 6.3. The map was color-coded such that blue corresponds to motions toward
(upflows) and red away from the observer (downflows). The black contour comprises
the regions with the supersonic flow and are candidate regions to have a dual-flow
in the He i blended component.
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Figure 6.3 - Doppler velocity map inferred by fitting a single Voigt profile for the He i
red component. The red color corresponds to the downflows and blue to the
upflows. The contours comprise the regions with supersonic flows and are
candidates regions to present dual-flow profiles in the He i blended component.
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In order to check where the supersonic downflows are present and its relation to
the filaments position, we merge all these information in Figure 6.4. The T op panel
present the continuum map, while the M iddle panel displays the upper chromosphere observed with the He line. The bottom panel shows the Doppler velocity for
a single flow. The red line contours the filaments and the black lines the region of
supersonic velocity.
The velocities are larger close to the filament footpoints and lower near the filament
center. Some filaments footpoins also present a supersonic downflow, as highlighted
by the yellow arrows on the M iddle panel of Figure 6.4. Most of the supersonic flows
in the trailing sunspots are placed over the penumbra and umbra regions.
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Figure 6.4 - (Top) The continuum map. (Middle) Stokes I/Ic for the He i 10830 Å. (Bottom) The Doppler velocity for the upper chromosphere. The black contours
(white in the M iddle panel) comprise the regions with supersonic flows, and
the red ones, the filaments. We identify supersonic downflows in the footpoint
of most filaments, as highlighted by the yellow arrow in the M iddle panel.
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6.4

Chromospheric Dual-flow

In previous section, we observed that the single flow model presents quite well the
Doppler velocity for almost all regions in upper chromosphere. However, when the
velocities are larger than the supersonic, the He absorption line seems to be splitting
into two spectral lines. These double flows are expected, once the He i 10830 Å red
component is composed of two spectral lines of the triplet, as detailed in Section
1.4. However, observations of dual flow in the same element are recent. The first
record of dual flows in the He i 10830 Å, with subsonic and supersonic velocities,
was performed by Schmidt et al. (2000).
A proper approach to compute the chromospheric Doppler velocity in the presence
of a subsonic and supersonic flow is performing a dual-flow model, by using a doubleVoigt profile. We developed a double-Voigt model using two pseudo-Voigt functions
limited in velocity. For the slower component, we consider a velocity range from -10
to 15 kms−1 , and from 7 to 60 kms−1 for the faster component. It will result in two
maps, one for each component and then we need select it for each pixel by checking
the spectrum profile and the fitting errors. We perform the fitting optimization for
both models, by using the Levenberg–Marquardt algorithm (MORE, 1978).
The dual-flow model can present some issues, like finding a local minimum and
assume it as the best fit. To reduce these issues, we need to select many pixels with
dual-flows and investigate the main characteristics of these spectra.
As an example, we selected four pixels with the dual-flow presence, to compare the
observed profiles with the fitted model. The four cases are presented in Figure 6.5.
The Stokes I profiles are normalized in relation to the continuum. The black dots are
the observed Stokes I/Ic without the telluric line. The solid red line displays the best
fit by using the double-Voigt model. The double-Voigt comprises two single Voigt
function, denoted by the dash and dash-dotted gray lines. The Voigt fit for the single
flow model is presented with the blue line. (a) Two subsonic flows. (b-c) Two clear
spectral lines, denoting both component flows. (d) Two flows, one subsonic and one
supersonic. We recorded smaller fitting errors for the double Voigt (red line) than
for the single Voigt (blue line) model, in all the four plots.
From Figure 6.5, it is clear the double Voigt profile reproduce much better the dualflow than with the single Voigt. We recorded lower fitting errors for the double Voigt
(red line) than the single Voigt (blue line) profiles, in all the four plots.
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Figure 6.5 - Normalized Stokes I/Ic profiles for selected pixels where we can observe a
dual-flow in the red component of the He i line. The black dots are the observed profile after the telluric line subtraction. The solid red line displays
the best fit for the double-Voigt profile. It is composed of two single Voigt
model, denoted by the dash and dash-dotted gray lines. The blue line is the
Voigt fit for the single flow model. (a) Two subsonic flows. (b-c) Two clear
spectral lines, one subsonic and one supersonic. (d) Dual-flow, with very large
redshift. In all theses panels, we recorded a lower fitting error for the double
Voigt (red line) than for the single Voigt (blue line)
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Figure 6.6 - Doppler velocity map for the fast component of the He i 10830 Å. The components were computed with double Voigt profiles. The prevalence of redshift
is imposed by the range defined in the input parameters, in order to fit only
the downflows. In the main panel, the black line contours the filaments and
the white outlines the supersonic downflows. The dual flow is not present in
the full map, but mainly in the regions with supersonic flow, as presented
in Figure 6.3. The outer panels present the footpoints where we found the
supersonic flows. The black line in the outer panels detaches where the dual
flow are present ("I" refers to inside, and "O" to outside).
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To ensure we did not miss any pixel with a dual-flow profile, the double-Voigt model
was applied for the full map. The map with the Doppler velocities determined for
the fast component of the He line is presented in Figure 6.6, where the black lines
are the filaments and the white ones delimits the supersonic velocities.
The map is displayed with a Doppler velocity range from -60 to +60 kms−1 , using
the red color for the downflow and blue color for the upflows. However, the red color
is predominant due to the imposed range defined in the input parameters, in order
to fit only the downflows.
Most of the Doppler velocity map for the He line is better represented with the single
flow model. However, there are few sectors that the dual-flow model are the best
to be employed. The outer panels of Figure 6.6 are the zoom of the black squares
presented in the main panel, over the filament footpoints. The solid black line in
the outer panels delimits the region where double-Voigt model can be applied, In
those panels, the letter "I" means inside, and "O" outside. The region of dual-flow
is selected by using both the fitting error and the visual confirmation of dual-flow
in the spectral line. The selected region seems more smoothed than the adjacent
region, as displayed in the outer panels of Figure 6.6
6.5

Doppler velocity for the Si line

Similar to the first approach performed for the He i line, we employed a single Voigt
profile to compute the Doppler velocity for the Si i line. This approach performs the
best profile to recover the absorption spectrum of the photospheric line.
According to the NIST database (KRAMIDA et al., 2018), the 10827.0877 Å wavelength is the center line of the Si i, that is assumed as the reference to compute the
Doppler velocity.
The Doppler velocity map recovered with the Si line by using a single Voigt is
displayed in Figure 6.7. The black lines outline the filaments, and the blue ones
detached the supersonic velocity observed in the upper chromosphere with the red
component of the He i 10830 Å. The range of the Doppler velocity is from -3 to +3
kms−1 .
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Figure 6.7 - Doppler velocity map for the photosphere computed for the Si i line. The
red color corresponds to the downflows and blue to the upflows. The black
contours comprise the filaments, and the blue ones outline the supersonic
downflow observed in the chromosphere.
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It is evident the predominance of redshift in the Doppler map of the Si line. However,
it presents a very low speed, far away from the supersonic velocity found in the upper
chromosphere. Some filament footpoints presented a higher than the average velocity
close to it. However, we did not notice a clear evidence of these higher velocity close
to the footpoints in the photosphere, as we found in the upper chromosphere.
6.6

Discussion

We have analyzed the Doppler velocity field in both photosphere and chromosphere
over the region of an arch filament system. The filaments in the chromospheric
line presented supersonic downflows close to the footpoints, and some of them also
presented upflows in the center of the filament. The distribution of the chromospheric
Doppler velocity inside the filament is exhibited in Figure 6.8. The figure shows the
histogram of the Doppler velocity distribution for the filament 1 (top) and filament 2
(botton). The red histogram represents the downflow, and the blue one comprises the
upper flow, seen only in filament 1. The blue line denotes the Gaussian distribution
with center = 1.85 kms−1 and FWHM = 4.56 for the filament 1, and center = 2.08
kms−1 and FWHM = 5.00 for the filament 2. Doppler velocities larger than the
sound speed are separated by the gray dashed line.
When the velocity reaches close to the supersonic speed in the chromosphere, the
red component of the He i triplet assumes a dual-flow model. The dual-flow is
characterized by one subsonic and one supersonic flow, that is solved by employing
a second Voigt profile. The upflow in the top of the filament can be explained as the
filament are rising.
The presence of both subsonic and supersonic flow in the same spatial element is
classified by analyzing the fitting error and the red component shape of the He line.
We checked both single and dual-flow model along the filament, connecting both
footpoints. The analysis is performed by tracing ten profiles, aligned, side by side,
with 1 pixel shifted in both x- and y-direction, and connecting the footpoints of
opposite polarities, as presented in Figure 6.9a. The background of the top panel is
the chromospheric Doppler speed using a single flow model.
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Figure 6.8 - Histogram distribution of the Doppler velocities for the filament 1 (top) and
filament 2 (botton). The red filled histogram comprises the downflow, and the
blue one involves the upflow, which can be seen only in the filament 1. The
gray dashed line separates the sub and supersonic flows. The blue line is the
Gaussian distribution with center = 1.85 kms−1 and FWHM = 4.56 for the
filament 1, and center = 2.08 kms−1 and FWHM = 5.00 for the filament 2.
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The result of the selected profiles in the panel a is presented in the panel b of the
same figure. The blue curves represent the ten profiles for the single flow model
and the red ones for the dual-flow model. We observed that both present similar
velocities at about 9 to 10 kms−1 , it means, close to the supersonic speed. When
the speed reached around 15 kms−1 , the fitting discrepancy is large an the dual-flow
dominates. We considered, in this work, that a velocity larger than supersonic is
assumed as a dual-flow model, as soon as it presents a clear dual flow, like the ones
exhibited in Figure 6.5.
The gray lines of Figure 6.9b are the extension of the red profiles, but for a region
where the dual-flow model presents a large fitting error and the single flow has
the best fit. Both gray dashed lines separate the upflow, downflow and supersonic
downflow. The dashed box labeled with number “1” represents the region where the
presence of upflow is evident, causing the filaments to rise. The box labeled with
number “2” is a downflow region close to the upflow one. It is produced by a small
region similar to a footpoint, that we also detected a magnetic field of opposite
polarity.
As determined in Equation (6.1), the sound speed at the common formation height of
the He i 10830 Å is in the order of 10 kms−1 . We measure, in the filament footpoints,
Doppler velocities in the order of 40 kms−1 , with some regions reaching up to 44
kms−1 . Therefore, its clear that these velocities are much larger than the typical
chromosphere sound speed. Let us suppose a free-fall speed, with a gravitational
acceleration given by g = GM /r2 , where G is the gravitational constant, M
the solar mass, and r the solar radius, so we have that g ≈ 274 ms−2 . Then, the
average velocity of 40 kms−1 give us a free-fall height of ∼ 2.9 Mm.
Different from the chromospheric observation, the Doppler velocity in the photosphere presents an evident subsonic speed. The significant difference in the Doppler
velocities between both, more than ten times, implying the presence of a shock in
between the chromospheric and photospheric layers, similar to observed by Lagg et
al. (2007) for the vicinity of a growing pore.
The supersonic downflow presented a very symmetric Doppler gradient from the
center to the footpoints, for both single and dual-flow models, as presented in Figure
6.9b. We interpret these downflows as resulting from the upflows caused by the new
emerging flux tubes, that carry the photospheric material to higher layers in the
center of the filament, as presented in the square labeled as number “1” in Figure
6.9b. These upflows reach more than 1 kms−1 in the filament center.
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Figure 6.9 - (a) Selected profiles crossing a filament, and the two footpoints. The ten
profiles are one pixel shifted, side by side, to cover the full filament. The
background panel is the Doppler velocity for a single Voigt profile. (b) The
Doppler velocity profiles along the ten selected lines for a single component
(blue) and the fast component of the double Voigt model (red). The gray lines
are the extension of the fast component (red), and it needs to be rejected, due
to the large fitting error. The bottom gray dashed line departs the downflow
to the upflow, and the second gray line separates the sub and supersonic
downflows. The dashed box “1” shows the region where we find upflows, and
the box “2” highlight the region we find a small region similar to a footpoint.
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7 Magnetic structure of the filament system
The magnetic field vector over the photosphere and chromosphere is determined
by using the inversion of full Stokes for the Si i 10827 Å and He i 10830 Å lines,
respectively. In the Section 7.1 we present the details of the inversion process by
using the HeLix+ code to obtain the physical parameters for both layers.
The inversion is employed for each pixel of the Stokes map. Therefore the inversion
of a full map considering many atmospheres can take a considerable computational
time. In Section 7.2 we detailed the process of inverting the full map, as well as
presented the maps for all the parameters resulting from the inversion. An analysis
of the retrieved parameters is presented in Section 7.3.
The characterization of the polarity inversion line has a great importance in the
study of the filament. In Section 7.4 we present the result of the method developed
to determine the PIL.
It is possible to infer the magnetic field vector from the full Stokes inversion obtained
with the HeLIx+ code, once the output data includes the magnetic field strength,
azimuth, and inclination angle. However, the determination of the magnetic field
from the Zeeman effect produces a non-unique solution for the azimuth component
of the magnetic field vector. In Section 7.5 we present how to determine the magnetic
vector.
When an AFS is observed away from the disk center, in both photospheric and
chromospheric layers, the Stokes V profiles can be analyzed to perform an estimation
of the formation height difference between the main population of the Si and He
components, as presented in Section 7.6.
In Section 7.7, we present the result of the magnetic loops reconstruction, based in
the chromospheric magnetic field vector, using the reconstruction method proposed
by Solanki et al. (2003).
The magnetic field in the line of sight for the photosphere and chromosphere are
used in the Linear force-free extrapolation in Section 7.8.
In Section 7.9, we combined the information obtained from the Doppler velocities
maps and the full-Stokes inversions, then we present an overview of the magnetic
structure of the filaments.
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7.1

Retrieval of physical parameters from the full Stokes

In order to compute the physical parameters like the magnetic field vector, we made
use of the full Stokes I, Q, U, and V profiles of both Si i 10827 Å line and He i 10830
Å triplet. To solve the physical parameter, we made use of the inversion method,
using the HeLIx+ code (LAGG et al., 2004).
The HeLIx+ retrieve the physical parameters making use of the Unno-Rachkowsky
analytic solution for the radiative transfer equation in a Milne-Eddington model
atmosphere (detailed in Section 2.4).
The inversion code achieves the global minimum for the observed Stokes profiles, by
employing the PIKAIA genetic algorithm and making use of eight free parameters.
These parameters can represent the solar atmosphere for that component and are
composed by: the magnetic field strength (B), the azimuth (χ), inclination angle
(γ), Doppler velocity in LOS (vLOS ), Doppler width (∆λD ), damping constant (a),
slope of the source function (S1), and the opacity ratio between spectral line center
and continuum (η0 ).
The HeLIx+ code supports the inversion for all the atmospheric component simultaneously so that we can manage the presence of unsolved magnetic structures with
a spatial resolution element, or even the scattered light from outside the resolution
element. Another free parameter applied in the inversion code is the filling factor,
f , it is applied in order to adjust each component weight.
The physical parameters in the photosphere are retrieved by using the inversion
of the Stokes profiles observed with the Si I line. For this line, we made use of a
two-component atmospheric model, that comprises one magnetic component and
one field-free model. According to Xu et al. (2012), the field-free model represents
the contribution of the field-free material to Stokes I, as well as, the straylight
contamination of the Stokes I from the encompassing regions.
The formation level of the He i 10830 Å is described in the Section 1.4. From there,
we know the He line formation is located in the upper chromosphere.

104

Figure 7.1 - Selected points to represent the full Stokes inversion for the Si i 10827 Å
He i 10830 Å and Ca i 10839 Å. The background is the second frame of the
Stokes I/Ic in the center of the He line. The Point 1 is placed in the center of
the leading sunspot umbra. The point 2 is in the center of the first filament.
The point 3 is placed in a border of the first filament. The point 4 in the
surrounding region between the filament 1 an 2.
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According to Solanki and Steiner (1990), we can anticipate that the magnetic field
satisfies the resolution element, based on the strong expansion in the chromosphere.
Therefore, we can assume an only magnetic component atmospheric model for the
He line. Nevertheless, the solution of the Doppler velocities performed with the
Voigt function in Chapter 6 give us evidence of a second component for the He
line. In this way, to better fit the profiles along the filaments and surrounding, two
magnetic components are required, each one with separate Doppler velocities. The
presence of the multiple line-profile components are discussed on Lagg et al. (2007)
and Cuadrado et al. (2007).

105

Table 7.1 - Retrieved parameters from the Stokes profiles presented in Figure 7.2. The
parameters are obtained with the inversion of the Si i, He i and Ca i lines for a
pixel in the leading sunspot umbra (highlighted with number 1 in Figure 7.1)
B [G]

χ [◦ ]

γ [◦ ]

vLOS [ms−1 ]

∆λD [Å]

S1

η0

a

Si i 10827 Å

1960.46

-86.98

13.60

729.43

0.02

2.32

21.36

1.99

He i 10830 Å

971.33

-79.39

3.51

-89.19

0.18

0.81

1.81

3.21

Ca i 10839 Å

2263.65

-76.16

15.16

596.71

0.04

1.18

1.48

1.76

Line

SOURCE: Author

Table 7.2 - Retrieved parameters from the Stokes profiles presented in Figure 7.3. The
parameters are obtained with the inversion of the Si i, He i and Ca i lines for
a pixel in the center of the first filament (highlighted with number 2 in Figure
7.1)
Line

B [G]

χ [◦ ]

γ [◦ ]

vLOS [ms−1 ]

∆λD [Å]

S1

η0

a

Si i 10827 Å

734.06

32.06

75.30

532.04

0.04

7.23

18.93

0.92

He i 10830 Å

436.71

27.37

80.45

1662.68

0.23

1.96

1.65

1.30

Ca i 10839 Å

310.38

25.64

70.98

-284.94

0.05

1.53

0.88

2.39

SOURCE: Author

Table 7.3 - Retrieved parameters from the Stokes profiles presented in Figure 7.4. The
parameters are obtained with the inversion of the Si i, He i and Ca i lines for
a pixel in the border of the filament 1 (highlighted with number 3 in Figure
7.1)
Line

B [G]

χ [◦ ]

γ [◦ ]

vLOS [ms−1 ]

∆λD [Å]

S1

η0

a

Si i 10827 Å

854.89

63.13

119.41

624.86

0.05

4.76

9.62

1.34

He i 10830 Å

580.41

-19.11

85.83

3807.19

0.20

1.63

1.56

5.01

Ca i 10839 Å

652.68

69.13

97.90

-48.51

0.02

1.01

2.09

3.25

SOURCE: Author
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Figure 7.2 - Stokes profiles for the full spectral range observed with GRIS over the umbra
of the leading sunspot (point 1 of Figure 7.1). The black points represent the
observed spectrum, and the red line is the best fit obtained with the HeLix+
inversion code. The vertical gray dashed lines are, from the left, the Si i 10827
Å the He i 10830 Åa,b,c triplet, and the Ca i 10839 Å. The blue dashed line
outlines the telluric line recovered to be excluded from the He red component.
The magnetic field retrieved for the photosphere using the Si line is B ≈ 1960
G, γ ≈ 13◦ , and χ ≈ −87◦ . For the upper chromosphere the magnetic field
recovered is B ≈ 971 G, γ ≈ 3◦ , and χ ≈ −79◦ . The full parameters are
described in Table 7.1
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Figure 7.3 - Stokes profiles for the full spectral range observed with GRIS over the center
of the first filament (point 2 of Figure 7.1). The black points represent the
observed spectrum, and the red line is the best fit obtained with the HeLix+
inversion code. The vertical gray dashed lines oare, from the left, the Si i 10827
Å the He i 10830 Åa,b,c triplet, and the Ca i 10839 Å. The blue dashed line
outlines the telluric line recovered to be excluded from the He red component.
The magnetic field retrieved for the photosphere using the Si line is B = 734
G, γ = 32◦ , and χ = 75◦ . For the upper chromosphere the magnetic field
recovered is B = 436 G, γ = 80◦ , and χ = 27◦ . The full parameters are
described in Table 7.2
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Figure 7.4 - Stokes profiles for the full spectral range observed with GRIS in a border of
the first filament (point 3 of the Figure 7.1). The black points represent the
observed spectrum, and the red line is the best fit obtained with the HeLix+
inversion code. The vertical gray dashed lines are, from the left, the Si i 10827
Å, the He i 10830 Åa,b,c triplet, and the Ca i 10839 Å. The blue dashed line
outlines the telluric line recovered to be excluded from the He red component.
The magnetic field retrieved for the photosphere using the Si line is B = 735
G, γ = 71◦ , and χ = 30◦ . For the upper chromosphere the magnetic field
recovered is B = 509 G, γ = 74◦ , and χ = 17◦ . The full parameters are
described in Table 7.3
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Table 7.4 - Retrieved parameters from the Stokes profiles presented in Figure 7.5. The
parameters are obtained with the inversion of the Si i, He i and Ca i lines, for
a pixel in a surrounding area between the filament 1 and 2. (highlighted with
number 4 in Figure 7.1)
Line

B [G]

χ [◦ ]

γ [◦ ]

vLOS [ms−1 ]

∆λD [Å]

S1

η0

a

Si i 10827 Å

616.54

1.75

104.01

1307.40

0.06

9.25

8.33

1.13

He i 10830 Å

33.89

0.73

101.51

1319.94

0.13

1.62

1.01

4.43

Ca i 10839 Å

261.81

22.22

89.29

176.47

0.01

3.17

1.86

2.82

SOURCE: Author

In order to examine the result of the inversion for the full Stokes profiles with
the HeLix+ code, we selected some points we are most interested to establish the
magnetic field vector, as well as, the other physical parameters retrieved with the
methodology described in this work.
The Figure 7.1 presents the four selected pixels we computed the physical parameters
performed with the inversion code. The first point is placed inside the umbral region
of the leading sunspot (1), the second point is located in the center of the first
filament (2), the third point is positioned in one of the border of the same filament
and the fourth point in the surrounding region between the first and second filament.
In this first moment, the inversion was applied for three spectral lines simultaneously,
where the two photospheric lines are Si i 10827 Å and Ca i 10839 Å, and for the
triplet of the upper chromospheric He i 10830 Å line. The best fit was also obtained
for the telluric line at 10832.108 Å in order to extract it from the red component of
the He line, similar to the one described in Section 6.1.
The first example of inversion is presented in Figure 7.2, where four panels represent
the Stokes I, Q, U, and V profiles, respectively. The profiles are taken for the full
spectrum scattered by the grating, from 10823.695 Å to 10841.880 Å (more details in
Section 3.2). The black points denote the Stokes profile observed with GRIS in the
pixels coordinate (410,88), this position is centered in the region of umbra, belonging
to the leading sunspot. The red line is the result of the best fitting obtained with
the inversion code for the spectral and telluric lines described before. Each of the
gray dashed lines represent one of the spectral lines. The blue dashed line represents
the H2 O telluric line that is removed from the red component of the He spectrum.
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Figure 7.5 - Stokes profiles for the full spectral range observed with GRIS in the surrounding region between the first and second filament (point 4 of the Figure 7.1).
The black points represent the observed spectrum, and the red line is the best
fit obtained with the HeLix+ inversion code. The vertical gray dashed lines
are, from the left, the Si i 10827 Å, the He i 10830 Åa,b,c triplet, and the
Ca i 10839 Å). The blue dashed line outlines the telluric line recovered to be
excluded from the He red component. The magnetic field retrieved for the
photosphere using the Si line is B = 616 G, γ = 104◦ , and χ = 1◦ . For the
upper chromosphere the magnetic field recovered is B = 33 G, γ = 101◦ , and
χ = 0◦ . The full parameters are described in Table 7.4
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The sunspot umbra has usually a high magnetic field strength, pointing close to
perpendicular to its own plane (BRAY; LOUGHHEAD, 1965). The inversion of the
Stokes profiles, presented in Figure 7.2, retrieve physical parameters that confirm
these sunspot properties. The magnetic field strength in the photosphere, observed
with the Si line is 1960 G, with an inclination of only 13◦ . The close to 0◦ angle
indicate the magnetic field is pointing in the direction of the observer. Then, we can
conclude that the leading sunspot has a positive polarity, with the field coming out
of this sunspot and connecting in all the trailing pores. The full recovered parameters
of the umbra region is presented in Table 7.1.
The Stokes parameters for the center of the filament 1, as well the fitting of the
inversion response, is presented in Figure 7.3. The magnetic field strength obtained
for the upper chromosphere is 436 G, which means a field much stronger than the
observed in QS filaments. The inclination angle is 80◦ , indicating the magnetic field
vector is almost parallel to the solar surface. The full computed parameters of the
centered region, is presented in Table 7.2.
Most of the magnetic field strength measurements were conducted for quiescent
prominences, all of them observing only a few Gauss in the spine. For AR filaments,
the spectropolarimetric measurements using full Stokes with the He I 1083.0 nm
line are rare (XU et al., 2012). Observations by Sasso et al. (2007) determined for
the first time the magnetic field of an AR filament through its eruption phase and
reported a magnetic field strengths in from 100 to 250 G. (KUCKEIN et al., 2009)
found field strengths in the range of 600−700 G in the filament at the formation
height of the He I. Xu et al. (2012) found strong magnetic fields, from 600 to 800 G
in AR filaments.
The inversion solution and the Stokes parameters for the border of the filament 1,
is given in Figure 7.4. The magnetic field strength of the border obtained for the
upper chromosphere is 580 G, with an inclination angle of 86◦ . The full computed
parameters of the region is presented in Table 7.3.
In the upper chromosphere, the region outside the filaments presented a very weak
magnetic field, as presented in Figure 7.5 and the the full parameters are presented
in Table 7.4. In the photosphere the magnetic field of the region between filament
1 and 2, is 616 G. On the other hand, the field strength in the upper chromosphere
is only 33 G, indicating a very weak field outside the active region.
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7.2

Inversion of the full Stokes maps

The section before showed the solution of the inversion method, retrieving the physical parameters of the atmosphere for only one element (98 km x 98 km) of the
photosphere and upper chromosphere. However, to properly investigate the arch filament system and its surrounding we need to obtain the physical parameters for all
the pixels of the Stokes maps.
The solution of the inversion problem for one pixel can take a few minutes to be
performed. However, the inversion for 700 × 476 pixels, considering two Si and two
He atmospheres would take a very large processing time. Therefore, when inverting
several pixels we made use of parallel computing by using the MPICH (KARONIS et
al., 2003). The MPICH divides the array of pixels to the multiple CPUs of several
machines.
In this work, the applied the MPICH-3, that make use of the HYDRA as the default process management framework (DONNINGER; LORENZ, 2004). All the inversion processes were performed in the atlas high performance compute cluster from
the compute resources of the MPS.
The maps for all the parameters from the inversion of the full-Stokes, observed
in the photosphere with the Si i 10827 Å line, are presented in Figure 7.6. The
magnetic field Strength (B) of the photospheric region reaches almost 2.5 kG in the
leading sunspot umbra and presents few Gauss in the region outside the penumbra,
as presented in Figure 7.6(a). The penumbra is overspread around and between the
leading sunspot umbra and trailing pores.
The azimuth angle (χ) is displayed in Figure 7.6b with a range from -90◦ to +90◦ ,
so it does not cover all the possible azimuth angle, indicating only a direction of the
field in the plane, without presenting the vector sense. This limitation is derived from
the azimuth determination based on the ratio between Stokes Q and U, as presented
in Equation (7.8). The equation creates a 180◦ ambiguity in the azimuth angle that
needs to be solved in this work. The detailed solution of the ambiguity is described
in Section 7.5.1. A positive value of the azimuth designates a counterclockwise angle.
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Figure 7.6 - Maps of all the parameters retrieved from full-Stokes for the photosphere, using the Si i 10827 Å line. (a) The magnetic field Strength (B), (b) the azimuth
angle (χ), (c) the incination angle (γ), (d) the Doppler velocity (vLOS ), (e)
the Doppler width (∆λD ), (f ) the gradient of source function (S1), (g) the
opacity ratio between spectral line center and continuum (η0 ) and (h) the
damping factor (a).
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The magnetic field inclination angle has a 180◦ range, with 0 pointing perpendicular
to the surface, in the direction of the observer. So, from 90◦ to 180◦ , the magnetic
field have a negative signal, and from 0◦ to 90◦ , a positive signal. Inclination angle
of 90◦ means the magnetic field is total transverse. The map of the inclination angle
is displayed in Figure 7.6c.
In the photosphere, the Doppler speed is usually very low, in the order of less than
3 kms−1 , as presented in Figure 7.6d. More details about the Doppler velocity in
the full map, as well in the filaments is described in Chapter 6. The Doppler width
in the photosphere is usually much lower than in the chromosphere, as presented in
Figure 7.6e.
The inversion is performed simultaneously for the photosphere and upper chromosphere. The maps for all the parameters retrieved from the chromosphere, with the
He i 10830 Å line, is presented in Figure 7.7. From the panel (a) we can note that
the magnetic field strength is lower than the one in the photosphere. We determined
that the mean magnetic field strength is 675 G in the photosphere and 537 G in the
chromosphere.
In photosphere, the inclination angle has higher rates in the regions of a strong magnetic field, than the one in the chromosphere. It is expected once the chromosphere
has a higher altitude and the magnetic field tends to be close to perpendicular in
the emerging flux region and more inclined as higher we measure the field. The inclination between both layers presented a high correlation (R = 0.831) for the full
map, and the mean angle is about 97◦ for both.
For the photosphere, the Dopper width is 0.05 Å and for the upper chromosphere it
is 0.19 Å as displayed in Figure 7.7.
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Figure 7.7 - Maps of all the parameters retrieved from the inversion of full-Stokes, observed
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7.3

Analysis of the magnetic field in the filaments

We can determine the transverse (BT RA ) and longitudinal (BLOS ) components of the
magnetic field vector, from the parameters retrieved of the Stokes profiles, presented
in the Figures 7.6 and 7.7. The (BT RA ) and (BLOS ) for each element were calculated
using the equations given by Degl’Innocenti (1992):
BT RA = f |B| sin γ,
BLOS =

q

f |B| cos γ,

(7.1)
(7.2)

where f is the filling factor. For the inversion of the He i 10830 Å line we can assume
f = 1, as discussed in Section 7.1. The longitudinal index is represented by LOS,
meaning the line-of-sight direction. The LOS component of the magnetic field vector
is quite essential in this work, once both photospheric and chromospheric LOS fields
are the main input for the LFF extrapolation, described in Section 7.8.
The LOS magnetic field component for the upper chromosphere and photosphere
are presented in Figure 7.8. The black solid contours represent the filaments, the
white solid line designates the sunspot umbras and pores compounding the NOAA
AR 12552, and the white dashed line outlines the penumbral region observed in the
continuum. In the background panel, the red color represents the outward magnetic
field (positive, in the direction of the observer), and the blue denotes the inward
magnetic field (negative).
In the chromosphere, the region surrounding the active region present a faint LOS
field. Moreover, the same weak field is found in the filament. However, from Figure
7.7a,b we note that it results not from a weak magnetic strength, but from to the
high transverse field, with almost no vertical field vector found in the center of the
filament.
The distribution of the magnetic strength inside the filaments is presented in the
histograms of Figure 7.9, where the top panels (a-d) are the histograms for each
filament in the upper chromosphere, and the bottom panels (e-h) the distribution
for the filaments in the photosphere. The binsize is 50 G for all the histograms and
the filaments are highlighted in Figure 7.8.
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Figure 7.8 - LOS magnetic field component for the chromosphere (top) and photosphere
(bottom). The black contours are the filaments, the white solid line contours
the sunspot umbras and pores, and the white dashed line outlines are the
penumbral region. In the background, the red color represents the outward
magnetic field (positive, in the direction of the observer), and the blue denotes the inward magnetic field (negative). In the chromosphere, the region
surrounding the AR present a week field. The same week field is found in the
BLOS component of the filament fields due to the high transverse field found
in the filament.
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Figure 7.9 - Histogram of the magnetic field strength distribution inside each filament,
in the upper chromosphere (top) and photosphere (bottom), highlighted in
Figure 7.8. The blue curve outlines a Gaussian distribution with center and
FWHM displayed in the upper right position of each panel. The y-axis is the
histogram density that is fixed for all the plots, based on the distribution with
the highest peak. The binsize is 50 G.
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Observations by Sasso et al. (2007) determined for the first time the magnetic field of
an AR filament through its eruption phase and reported a magnetic field strengths
from 100 to 250 G. (KUCKEIN et al., 2009) found field strengths in the range of
600−700 G in the filament at the formation height of the He I. Xu et al. (2012)
found strong magnetic fields, from 600 to 800 G in filaments over active regions.
In the present work, we find an average magnetic field of about 382 G, 540 G, 636
G, and 798 G, for the filament 1-4, respectively. The magnetic field strength in
the photosphere in the regions of the filaments are almost twice the value in the
chromosphere, with a range from 767.87 G to 1363.52 G. The average magnetic
field strength, based on the histogram centers is 589.80 G for the chromosphere and
1060.29 G for the photosphere.

Figure 7.10 - Histogram of the inclination angle distribution inside each filament, in the
upper chromosphere (top) and photosphere (bottom), highlighted in Figure
7.8. The blue curve outlines a Gaussian distribution with center and FWHM
displayed in the upper right position of each panel. The y-axis is the histogram density that is fixed for all the plots, based on the distribution with
the highest peak. The binsize is 5◦ .
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The distribution of the inclination angle of the magnetic field inside the filaments
is presented in the histograms of Figure 7.10, where the top panels (a-d) are the
histograms for each filament in the upper chromosphere and the bottom panels (e120

h) the distribution for the filaments in the photosphere. The binsize is 5◦ for all the
histograms and the filaments are highlighted in Figure 7.8.
In the present work, we find an average inclination angle of 85.17◦ , 90.57◦ , 108.9◦ ,
and 98.51◦ , for the filament 1-4, respectively. The inclination in the photosphere
over the regions of the filaments presents a similar angle than in the upper chromosphere, however for most of the pixels it was a little more longitudinal than in the
chromosphere, with a range of 87.94◦ − 117.24◦ . The average inclination angle over
the filament is 95.94◦ for the chromosphere and 102.38◦ in the photosphere. The
inclination angles in the filaments are more longitudinal as close as the filament is
to the sunspots or pores.
From the histograms of Figure 7.10 and the previous paragraph, we can conclude the
magnetic field vector over the filaments presents an almost transverse inclination. It
results that almost all the magnetic flux is crossing the cross-sectional area of the
filament.

Figure 7.11 - Histogram distribution of the azimuth angle in the upper chromosphere over
each filament, in the upper chromosphere (top) and photosphere (bottom),
highlighted in Figure 7.8. The blue curve outlines a Gaussian distribution
with center and FWHM displayed in the upper right position of each panel.
The y-axis is the histogram density that is fixed for all the plots, based on
the distribution with the highest peak.
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The distribution of the magnetic field azimuth angle inside the filaments is presented
in the histograms of Figure 7.11, where the top panels (a-d) are the histograms for
each filament in the upper chromosphere and the bottom panels (e-h) the distribution for the filaments in the photosphere. The binsize is 5◦ for all the histograms.
In the present work, we find an average azimuth angle of 20.54◦ , 17.45◦ , 14.89◦ , and 21.41◦ , for the filaments 1-4, respectively. The azimuth angle in the photosphere over
the regions of the filaments presents a larger angle than in the upper chromosphere,
with 28.14◦ , 22.13◦ , 29.36◦ , and -42.38◦ for the filament 1-4, respectively.

Figure 7.12 - Scatter plot of the LOS magnetic field in the chromosphere vs the LOS
magnetic field in the photosphere for the region inside of the filaments
contoured in the in Figure 7.8. The red line is the interpolation of the
BLOS field distributions, considering always crossing the (0,0) coordinate,
so BChrom = sBP hoto , where s is the slope, and hsi = 0.36. The LOS field
components has a high correlation between photosphere and chromosphere
(hRi = 0.843).
Filament 2

Filament 1

400

600

R = 0.700
BChrom= 0.32BPhoto
BLOS chromosphere [G]

BLOS chromosphere [G]

600

200
0
−200
−400
−600
−1500

400

R = 0.940
BChrom= 0.36BPhoto

200
0
−200
−400
−600

−1000

−500
0
BLOS photosphere [G]

500

1000

−1500

−1000

Filament 3

400

R = 0.839
BChrom= 0.48BPhoto

200
0
−200
−400
−600
−1500

500

1000

500

1000

Filament 4
600
BLOS chromosphere [G]

BLOS chromosphere [G]

600

−500
0
BLOS photosphere [G]

400

R = 0.893
BChrom= 0.29BPhoto

200
0
−200
−400
−600

−1000

−500
0
BLOS photosphere [G]

500

1000

SOURCE: Author

122

−1500

−1000

−500
0
BLOS photosphere [G]

The relation between the inclination angle of the filaments in the photosphere and
upper chromosphere can be analyzed by correlating the magnetic field in the line of
sight for both layers. We made use of a scatter plot for both LOS fields, chromosphere
vs. photosphere, inside of the filaments displayed in Figure 7.8.
The result of the scatterplot is presented in Figure 7.12. The red line is the interpolation of the BLOS field distribution, considering it cross the (0,0) coordinate, so
BChrom = sBP hoto , where s is the slope between the fields.
It was determined the correlation coefficient (R) by computing the linear Pearson
correlation. We find that the LOS field component holds a high R between photosphere and chromosphere, with R = 0.7, 0.94, 0.84, and 0.90, for the filaments
1-4, respectively. The average correlation coefficient is hRi = 0.843, and the average
slope is hsi = 0.36.
We determine a relation between the LOS magnetic field in the photosphere and
upper chromosphere, with a high correlation coefficient. It indicates that the LOS
magnetic field in the photosphere presents a strength almost three times larger than
in the chromosphere. A potential explanation for the high correlation coefficient is
that the magnetic loops coming from the emerging flux region, that was introduced
in Section 5.2, follow a close inclination angle along the filament. So, from the
equation (7.2), the cos γ are quite similar for both layers. The ratio between the
LOS magnetic field strength is explained by the difference in the formation height
of the He I, in the upper chromosphere and Si, in high altitudes of the photosphere.
Both spectral lines formation are better described in Section 1.4
7.4

Polarity inversion line

The filaments are found in upper chromosphere and lower corona, disposed above
the magnetic polarity inversion line (PIL) of the photospheric magnetic field (BABCOCK; BABCOCK, 1955; ZIRKER, 1989). The PIL is the borderline which separates
the two opposite magnetic polarities (MARTIN, 1973). According to Martin (1998),
the occurrence of a PIL is a requirement, but not a sufficient condition for the development of a filament. For a filament to rise, a filament channel must exist at the
chromosphere height (GAIZAUSKAS, 1998).
Identifying the location of PILS has exceptional importance for the study of solar
eruptive phenomena. Historically, neutral lines in active regions have been widely
used for predicting the positions of solar flares and CMEs (FALCONER et al., 2002).
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They were also used to map and extrapolate coronal structures associated with
filaments (MARTIN et al., 1994; CHAE et al., 2001).
Few works have been developed to perform a PIL determination. Therefore, we have
developed a code that determinate the PILs, by using the magnetic field strength
and inclination from the inversion data. The method is based on smoothing using
a Butterwolf low pass-filter (BUTTERWORTH, 1930; ADELMANN, 1998). Histogram
equalization is used to enhance the image contrast. The edge detection is determined by using a Canny edge detector (CANNY, 1986). The curve interpolation was
performed using a cubic spline interpolation and the pixel discretization using the
Bresenham’s line algorithm (BRESENHAM, 1965).
The resulting PIL obtained for the photosphere is presented in Figure 7.13. The
black lines are the PIL for the photosphere, and the wider black line is the main
PIL that are involved with the filaments. The Figure 7.14 show the inclination
error for the photosphere. The angular error was less than 2°, showing that the PIL
determination was successfully achieved.
The chromospheric PIL is presented in Figure 7.15. The black lines are the Polarity
inversion lines (PIL) for the chromosphere, and the broadest black line is the main
PIL that are involved with the filaments. The Figure 7.16 shows the inclination error
for the chromospheric PIL. The error is less than 2° for most of the data. However,
in the final PIL points, the error increases due to faint Stokes V in He i 10830 Å
due to low magnetic field strength.
In order to obtain all the pixel coordinates of the PIL, as well to have a better
approximation of distance along it, we made use of a parametric cubic spline interpolation. To get the correct pixels coordinates representing the PIL curve, as well
as, the accurate distance along the PIL, we need to discretize the PIL in pixels
coordinates. To perform the discretization, we made use of the Bresenham’s line
drawing (BLD) algorithm (BRESENHAM, 1965). The method decides the position
of the points that should be chosen in a raster (or bitmap) to produce the closest
approximation to a line between each two pixels.
If the Bresenham discretization step were not performed, we should disregard any
physical interpretation of the distances along the curve, since non-discretization in
the pixel raster leads to huge errors of the spatial dimension in image processing.
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Figure 7.13 - LOS-Magnetic field for the photosphere obtained with the full Stokes inversion. The black lines are the Polarity inversion lines (PIL) for the photosphere, and the wider black line is the main PIL that is associated with the
filaments.
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Figure 7.14 - Inclination error for the PIL performed in Figure 7.13, on the photosphere.
The angular error is less than 2°.
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Figure 7.15 - LOS-Magnetic field for the chromosphere obtained with the inversion of full
Stokes. The black lines are the Polarity inversion lines (PIL) for the chromosphere, determined by using Butterwolf low-pass filter, histogram equalization, and edge detection. The broadest black line is the main PIL that is
associated with the filaments.
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Figure 7.16 - Inclination angular error for the PIL performed in Figure 7.13 for the chromosphere. The angular error is less than 2° for most of the data. However, in
the final PIL points, the error increases due to the faint Stokes V intensity
for the He i 10830 Å when the magnetic field strength is low.
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7.5

Determination of the magnetic field vector

It is possible to infer the magnetic field vector from the full Stokes inversion obtained
with the HeLIx+ code, once the output data includes the magnetic field strength,
azimuth, and inclination angle. However, the determination of the magnetic field
from the Zeeman effect produces a non-unique solution for the azimuth component
of the magnetic field vector.
The projection of B over the x−, y− (perpendicular to the LOS) and z−axis (parallel
to the LOS) is given by:
Bx = |B| sin γ cos χ,
(7.3)
By = |B| sin γ sin χ,

(7.4)

Bz = |B| cos γ,

(7.5)

where γ is the inclination angle of B with respect to the LOS and χ is the azimuth
angle in the x − y plane. A better visualization of the magnetic field vector and its
components is presented on Figure 7.17.

Figure 7.17 - Projection of the vector magnetic field B onto the local frame. The γ is the
inclination angle of B with respect to the line-of-sight (LOS). The χ is the
azimuth angle of B projection in the x − y plane with respect to the x-axis.
Positive azimuth angle is counterclockwise.
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Using the weak field approximation (see Degl’Innocenti (1992)), the relation between
the Stokes Q and U can be given by Degl’Innocenti and Landolfi (2004):

Q(λ) ∝ sin2 γ cos 2χ,

(7.6)

U (λ) ∝ sin2 γ sin 2χ.

(7.7)

According to the proposed by Auer et al. (1977), the azimuth angle (χ) can be
approximated by the ratio between Q(λ) and U (λ), as,
!

1
U (λ)
χ = tan−1
.
2
Q(λ)

(7.8)

Before the correction of the azimuth ambiguity, we need to adjust the azimuthal
angle from the observation data to the image map, due to the scan direction and
slit orientation. The +Q direction for GRIS is always pointing to terrestrial North.
The azimuthal angle starting with 0° at the +y direction of the map is given by:
χmapy = χQ + (αslit − 1800 ),

(7.9)

where αslit is the slit angle presented in Figure 7.18.
7.5.1

Azimuth ambiguity

Analyzing the Equations (7.6) and (7.7), we note that due to the arc 2χ, the function
period changed from 2π to π, it means that a 180° rotation of the azimuth angle
produces the same Stokes Q(λ) and U (λ). Therefore, the azimuth angle presents a
180° ambiguity that needs to be solved.
According to Kuckein (2012), the solution of the 180° ambiguity is not an easy
task to be performed and many methods have been proposed to solve it (METCALF
et al., 2006). Some of these methods are the AZAM utility (LITES et al., 1995), the
Minimum Energy solution (METCALF, 1994), the Uniform Shear (MOON et al., 2003),
the Structure Minimization method (GEORGOULIS et al., 2004), the Chiral method
(MARTIN et al., 2008) and the SFQ method (RUDENKO; ANFINOGENTOV, 2011).
The disambiguation techniques are commonly developed for specific instruments
dataset and inversion codes, e.g., the AZAM utility is performed with the MilneEddington gRid Linear Inversion Network (MERLIN) (LITES et al., 2007). However,
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there is no default code for the GRIS instrument. Hence, in the present work, we
made several tests of algorithms to solve the 180° azimuth ambiguity, and the one
we find a best and fast solution for our dataset was the Super Fast and Quality
Azimuth Disambiguation (SFQ).
The SFQ is a two-step processing method. The first step comprises preliminary azimuth disambiguation, using grid difference metric relying on reference information
of the potential field. The second step involves the use of smoothing masks in several
scales (RUDENKO; ANFINOGENTOV, 2011).
Almost all the ambiguity correction methods were developed for the photospheric
magnetic field. Therefore, for the upper chromosphere, we implemented many modifications in the code, in order to get the best correction.
The result of the magnetic field vector map, with the ambiguity correction, over the
LOS-magnetic field is presented in Figure 7.18. The arrows indicate the direction of
the magnetic field perpendicular to the LOS plane over the photospheric LOS-fied.
√
The arrow size is given by Bx2 + By 2 .
In order to check the quality of the ambiguity correction, we compare our solution
with the one from SDO/HMI, as presented in Figure 7.19. Details of the HMI data
is presented in Section 5.2.
The SDO/HMI magnetic vector data were obtained from the JSOC, with the parameters: ‘field’, ‘inclination’, ‘azimuth’ and ‘disambig’. The ‘disambig’ is a Boolean
matrix which indicates the vector sence, once the azimuth only presents the vector
direction (-90° to 90°). The azimuth correction was processed with the SSWIDL
module hmi_disambig.pro. More detailed about the HMI data processing is presented in Hoeksema et al. (2014) and Sun et al. (2012).
We can compare the magnetogram reached for the Si i 10827 Å line (Figure 7.18)
with the one obtained for the HMI (Figure 7.19). There is a quite similar result
between both magnetograms. It confirms we can make use of the SFQ method. The
HMI image is transposed and inclined in relation to the Figure 7.18 due to the
geometry of the GRIS scan and slit angle presented in Figure 4.1.
The magnetic field vector for the chromosphere, over the LOS-magnetic field, is
presented in Figure 7.20. The arrows indicate the direction of the magnetic field
√
perpendicular to the LOS plane. The arrow length is given by Bx2 + By 2 .
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Figure 7.18 - Magnetic field azimuth for the photosphere obtained with inversion of the
Si i 10827 Å line. The arrows indicate the direction of the magnetic field
perpendicular to the LOS plane. The background color is the LOS magnetic
field strength
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Figure 7.19 - Magnetic field azimuth for the photosphere obtained from the SDO/HMI
data, using the MERLIN inversion code and AZAM utility for the 180° ambiguity solution. The HMI image is transposed and inclined in relation to
Figure 7.18 due to the scan geometry presented in Figure 4.1. The background color is the LOS magnetic field strength.
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Figure 7.20 - Magnetic field azimuth for the chromosphere obtained with inversion of the
He i 10830 Å triplet. The arrows indicate the direction of the magnetic field
perpendicular to the LOS plane. The azimuth ambiguity was solved using
the SFQ method we modified for the chromosphere.
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Based on Figure 7.20, we note that the magnetic field line follows the same direction
of the filaments. From that, we can obtain the path that cross the filaments and
connect the footpoints of opposite polarities. Using the map of the magnetic field
projection over the chromosphere (Figure 7.20), we can implement a reconstruction
of the EFR loops, as described in Section 7.7.
7.6

Formation height of He I line

As discussed in Section 5.2, the arch filaments system (AFS) observed with GRIS is
developed over an emerging flux region (EFR). A rising AFS is usually considered
to confine photospheric material that is drained down to both ends, while the arch
rises (BRUZEK, 1969; ZIRIN, 1987). With the formation of new arch filaments, the
old loops expand and can reach coronal heights (SPADARO et al., 2004).
When the AFS is observed away from the disk center, in both photospheric and
chromospheric layers, the Stokes V profiles can be analyzed to estimate the formation
height difference between the main population of the Si and He lines.
Supposing the AFS are positioned in the solar center, the neutral lines from Si and
He would be superposed and it would not be possible to determine the different
height. However, when the heliocentric angle is larger, it means away from the disk
center, the neutral lines projection is shifted from the original position.
A basic assumption to compute the height formation is that the inclination angle of
the analyzed layers have a close behavior along the path we observe the filament.
It can be confirmed by analyzing the correlation coefficient between the inclination
profiles in the photosphere and in the chromosphere. In order to cover the full
filament, we selected 20 profiles, side by side, 1 pixel shifted, along the filament.
The spatial distribution of the set of profiles is presented in Figure 7.21b. All the
profiles are presented in panel (c), where the black lines delineate the chromospheric
profiles and the red lines the profile over the photosphere. The scatter plot between
both inclinations is displayed in panel (a). The Pearson correlation between the
inclination angle, over the filament, was R = 0.956. This large correlation permits us
to perform the analysis of height formation difference between Si and He population.
Once the R is satisfied, we can consider we are comparing the neutral lines for both
photosphere and chromosphere.
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Figure 7.21 - (a) Scatter plot between the inclination angle of the magnetic field vector in
the photosphere and chromosphere. The angles were taken along the profiles
over the filament presented in the map (b). Representation of 20 profiles, side
by side, 1 pixel shifted, covering the full filament. All the profiles are presented in panel (c), where the black lines delineate the chromospheric profiles
and the red lines the profile over the photosphere. The Pearson correlation
between the inclination of both layers, over the filament, was R = 0.956, and
the inclination angle in chromosphere is shifted by 6.95◦ from the one in the
photosphere. The large R and the shifted angle permit us to perform the
analysis of the formation height difference between Si and He lines
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The inclination presented an offset of γof f set = 6.95◦ between the photosphere an
chromosphere. This offset is expected and needs to be considered in the determination of formation height.
The method is performed based on finding the neutral line in the Stokes V profiles
of the slits presented in Figure 7.21. The neutral line is usually found close to the
filament center. The Stokes V profiles for the central slit crossing the filament is presented in Figure 7.22. The vertical dashed lines delimit the Si and He spectral lines.
The amplitude of the He profile was multiplied by 3 to improve the visualization.
The blue line contour the neutral line for the photosphere and the red line, indicate
the neutral line for chromosphere. The inner box displays the neutral lines over the
Stokes V map. The letter "L" denotes the leading sunspot and "T" the trailing ones.
From Figure 7.22, we can determine the distance between the neutral line taken from
the photosphere and chromosphere, given by ∆dN L = 1.82”, which is equivalent to
about 1320 km.
Before computing the difference in the formation height, we need to correct the
distance ∆dN L for the foreshortening. According to Godoli and Fossi (1967), the
projected distance ∆dN L need to be transformed in the corrected distance ∆dcN L ,
according to
∆dcN L = ∆dN L sec θH ,
(7.10)
where θH is the heliocentric angle determined in Section 4, given by θH = 41.14◦
and µ = cos(θH ) = 0.75. So the corrected distance between both neutral lines is
∆dcN L = 1760 km.
Once the difference between the neutral lines was determined, and we had already
determined the heliocentric angle, θH , we can compute the variation in the formation
heights, ∆hf , by
∆dcN L
.
(7.11)
∆hf =
tan θH
The Equation (7.12) can be used only when the magnetic field inclination angle is
the same at both heights. However, as we determined in Figure 7.21a, there is an
offset angle of γof f set = 6.95◦ . So the Equation (7.12) need to be rewritten as,
∆dcN L
∆hf =
.
tan(θH + γof f set )
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(7.12)

Figure 7.22 - Stokes V profiles along one of the 20 lines presented in Figure 7.21. The
vertical dashed lines delimit the Si and He spectral lines. The amplitude of
the He profile was multiplied by 3 to improve the visualization. The blue
line represents the neutral line for the photosphere and the red line, the
neutral line for chromosphere. The inner box displays the neutral lines over
the Stokes V map. The letter "L" denotes the leading sunspot and "T" the
trailing ones. The distance between both neutral lines is ∆dN L = 1.82”,
equivalent to about 1320 km.
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Then, we can determine that the difference between the formation height of the He
and Si in the AFS is given by ∆hf = 1.72 Mm. As a comparison, Joshi et al. (2016)
analyzed the fine structures of the sunspot penumbra and found a formation height
difference of 1.25 Mm using the same Si and He spectral lines. The discrepancy in
the heights is explained once different solar features manages different formation
height.
In Section 7.3, we verified that the magnetic field strength decreases with height,
being almost twice stronger in the photosphere than in the upper chromosphere. The
average magnetic field strength in the filaments is 589.80 G for the chromosphere
and 1060.29 G for the photosphere. Adopting the difference between the formation
height of the Si and He, ∆hf = 1.72 Mm , then the vertical gradient of the magnetic
field strength is about 273 GMm−1 .
7.7

Reconstruction of EFR loops

In this section, we present the result of the magnetic loops reconstruction, based on
the retrieved chromospheric vector field, assuming the He i 10830 Å line forms along
magnetic field loops. The reconstruction method is based on the one proposed by
Solanki et al. (2003).
According to Xu et al. (2010), the primary assumption is that the He absorption
follows a set of magnetic field lines produced by the high density of chromospheric
material emerging along the field. In our case, this field lines coincides with the
filament and connect the footpoints of opposite polarities.
In Figure 7.23, we present the map of the ratio of the line core to continuum absorption coefficient (η0 ). We find that η0 becomes larger in some regions of the He
filament structures, confirming a larger opacity in these regions, as well as, supporting us to estimate and trace the field from the magnetic field vector retrieved from
the He observation line.
The field line reconstruction starts by selecting a pixel in the center of the filament,
over the magnetic vector map (Figure 7.20), then identify the neighboring pixels to
which the magnetic azimuth is pointing. The pixel that better matches the direction
and strength field of the initial pixel is selected to be the one that follows the same
field line.
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Figure 7.23 - Map of the coefficient ratio of the He i 10830 Å line core to continuum
absorption (η0 ) retrieved from the inversion process. The black line contours
the filament regions. The η0 becomes larger in some regions of the He filament
structure, mainly in the first one, which confirm a larger opacity in these
regions.
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The differential height between neighbors pixels is computed based on the inclination
angle and spatial dispersion along the pixel path. Then, we follow the field line in
both directions until reach the footpoints of opposite polarities. Once it touches the
footpoints, we can trace the field lines with the accumulation of all the differential
heights and pixel converted to the physical distance, in Mm. The profile of the
three-dimension structure follow a loop-like field.
The magnetic field line reconstruction was performed for the four filaments previous
selected, as presented in Figure 7.24. All the field lines loops connect the footpoints
of inverse polarities with a width of five pixels that were disposable side by side
starting from the positive footpoint. The reconstruction method was performed for
each one of the five pixels.
Using the reconstructed loop geometry we estimate the height of the magnetic loops.
The highest traced magnetic loops reach a height of 5.54 Mm (filament 1) from their
footpoints at the level of He I 10 830 Å line formation. The field line over filaments 2
to 4 have a height of about 4.20 Mm, 3.38 Mm, 2.71 Mm, respectively. These heights
are in accordance with the previous height observed by Solanki et al. (2003), Xu et
al. (2010), Merenda et al. (2011).
The reconstruct method for the field loop, based in the He i 10830 Å, was contested
by Judge (2009) in a research note. According to him, this reconstruction can not
be completely performed because the field in these structures are supposed to be
at nearly constant height, instead of along a magnetic loop. However, Xu et al.
(2010) presented a list of arguments supporting the method, further the method
was discussed and supported by Merenda et al. (2011).
7.8

Linear force-free extrapolation

There are various procedures to infer the magnetic field configuration in the photosphere and chromosphere. However, in order to get an overview of the field behavior
in some particular solar region, as well as the determination of the magnetic field in
the solar corona, a magnetic field extrapolation is required (PRIEST, 2000).
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Figure 7.24 - Reconstruction of the magnetic loops over AFS region, based on direct measurement of the magnetic vector of the upper chromosphere, observed with
the He i 10830 Å. The loops connect the footpoints of inverse polarities with
a width of five pixels, side by side, starting from the positive footpoint. The
gray lines are the loop projection in the XZ and YZ plane and can indicate
the estimated height (in Mm). The height reconstruction is based in the inclination angle and spatial dispersion along the pixel path connecting the
footpoints.
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In order to represent the magnetic field in the solar atmosphere, some plasma assumptions need to be done for simplifying the extrapolation method. The plasma β
is given by
nkB T
,
(7.13)
β= 2
B /(2µ0 )
where µ0 is the vacuum permeability. The primary assumption is that the plasma β
is small, it means β << 1, so,
B 2 /(2µ0 ) >> nkB T.

(7.14)

From the above condition, the magnetic pressure is much higher than the plasma
gas pressure, which is valid for the solar corona. This assumption results that the
magnetic field is near to a force-free field.
Another assumption regarding the force-free extrapolation is that the coronal magnetic field is in equilibrium (d/dt ≈ 0), so the plasma flows in this region can be
neglected. Therefore, we can write the ideal magnetohydrodynamic (MHD) equations, relevant for the extrapolations, as,
j × B = 0,

(7.15)

∇ × B = µ0 j,

(7.16)

∇ · B = 0,

(7.17)

where j is the current density and B is the magnetic field.
From the Equation (7.15) we can conclude that j is paralell to B, and its proportionality is given by:
µ0 j = αf f B,
(7.18)
where αf f is the called force-free parameter, that can be a constant or a function
of the position, but it remains constant along each magnetic field line. Another
important information about αf f is that it also gives a measurement related to the
level of twist of the magnetic field line, as presented above:
∇ × B = αf f B.

143

(7.19)

Based on the αf f , we can differentiate three types of force-free extrapolation. When
αf f = 0 the force-free is a potential extrapolation. In the case that αf f = C and C
is constant for all the field lines, the extrapolation is a linear force-free (LFF). For
αf f varying for different field lines, however with same value along each field line, it
is called non-linear force-free (NLFF).
To perform the force-free field extrapolation, the observation of the photospheric
magnetogram is taken as a boundary condition. While the NLFF field extrapolation
require the three components of the magnetic field, the LFF method make use only
of the magnetic field in the line-of-sight (BLOS ).

Figure 7.25 - Three dimension view of the of the linear force-free field. The background
is the LOS magnetic field component. The linear force-free extrapolation is
estimated by using the Bz component of the photospheric magnetic field
computed with the Helix inversion code for the Si i 10827 Å line. The field
lines are placed over the arch filament system, with the magnetic field associated with the large-scale main bipolar magnetic field of the active region,
connecting the region between the leading sunspot and the trailing pores.

SOURCE: Author

Many methods have been developing to perform the magnetic field extrapolation us-
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ing the linear force-free fields (LFF), some using spherical harmonics (NEWKIRK et
al., 1968; ALTSCHULER; NEWKIRK, 1969), Fourier series (NAKAGAWA; RAADU, 1972;
ALISSANDRAKIS, 1981), using Green’s functions (CHIU; HILTON, 1977; SEEHAFER,
1978). Numerical codes to determine the linear force-free fields with MHD terms,
such as the thermal pressure and gravity, have been done by using Fourier-Bessel
series (LOW, 1992), Green’s functions (PETRIE; NEUKIRCH, 2000), spherical solutions (NEUKIRCH; RASTÄTTER, 1999), and optimization methods (WIEGELMANN;
NEUKIRCH, 2006)
To perform the extrapolation, we used the photospheric magnetic field computed
with the Helix inversion code for the Si i 10827 Å line observed with GREGOR/GRIS. This observation is adopted as the bottom boundary condition for
the vertical magnetic field Bz in the position z = 0. We considered the linear forcefree field approximation (∇ × B = αB). The force-free line extrapolation was done
using the fast Fourier transform method proposed by Alissandrakis (1981). More
details of the method used in this work are discussed in Gary (1989), Georgoulis
and LaBonte (2007).
Figure 7.25 shows the result of the linear force-free field extrapolation and the topology of the AR NOAA 12552. The field lines belong to the outer connectivity domain
and represent the magnetic field associated with the large-scale main bipolar magnetic field of the AR. The extrapolation FOV is equal to 34.26 Mm × 46.59 Mm.
We can also verify, from the linear force free extrapolation presented in Figure 7.25,
the quality of our azimuth ambiguity correction, presented in Section 7.5. We can
conclude that the azimuth correction follow a very similar pattern the one presented
in X-Y view, presented in Figure 7.25b.
7.9

Overview of the magnetic structure of the filament

We combined the information obtained from the Doppler velocities maps and the
full-Stokes inversions of the GRIS observed dataset. It was observed an arch filament
system with filaments over the active region NOAA AR 12552. The filaments cross
the polarity inversion lines connecting the footpoints of opposite polarities.
All the filaments presented downflows along almost all the filament, and most of
the filaments present supersonic downflows in the footpoints. The most extended
filament also presented upflow near the center of the of the filament, indicating the
filament is expanding, while other filaments seem to be in equilibrium.
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Figure 7.26 - Sketch of the magnetic field structure and Doppler velocities in the observed
filament system and the emerging flux region. The bottom panel represents
a cutout of the photospheric level, based on the magnetic field observation of
the Si I 10827 Å line, and the top panel the upper chromospheric level, based
on the observation of the He I 10830 Å. The white and dark ellipses indicate
the region of positive and negative polarity, respectively. The dashed line, in
the top panel, represents the PIL that separates the region of positive and
negative polarities. The helical arch connecting the opposite polarities in the
upper chromosphere represents the flux rope that supports the filament. The
red and blue shaded areas arrows above the flux rope indicate the Doppler
velocity as downflows (redshift) and upflows (blueshift) observed in the upper chromosphere. The presence of upflows (blue arrows) indicates the arch
filament is expanding in the direction of the observer. The triple arrows close
to the filament footpoint designate the supersonic downflow observed in the
Doppler maps of the helium line. In the photosphere, the footpoints with
opposite polarity move apart from each other, as designated by the green
arrows.
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In order to represent a overview of magnetic structure of the filaments studied in
this work, we developed a sketch that better describes the most extended filament,
that presented both supersonic downflows in the footpoints, as well as, upflows in
the center of the filament. The other filaments follow a similar structure, but, they
also manifests to be in equilibrium. The sketch model is displayed in Figure 7.26.
The sketch presents both the Doppler velocities and magnetic field structure in the
arch filament system and the emerging flux region. The bottom panel represents the
photospheric layer, based on the observation of the Si I 10827 Å line, and the top
panel represent the upper chromospheric level, based on the observation of the He I
10830 Å.
The white and dark ellipses indicate the region where the field lines touch the chromosphere and photosphere layers, with positive and negative polarity, respectively.
The dashed line, in the top panel, represents the PIL that separates the region of
positive and negative polarities. The PIL was determined for both photosphere and
chromosphere in Section 7.4.
The helical arch connecting the opposite polarities in the upper chromosphere represents the flux model that supports the filament mass. The red and blue shaded
areas above the flux rope indicate the Doppler velocity as downflows (redshift) and
upflows (blueshift), measured in the upper chromosphere. The presence of upflows
(blue arrows) indicates the arch filament is rising. The triple arrows close to the
filament footpoint designate the supersonic downflow observed in the Doppler maps
of the helium line. In the photosphere, the footpoints with opposite polarity move
apart from each other, as designated by the green arrows.
The supersonic downflow presented a very symmetric Doppler gradient from the
center to the footpoints, for both single and dual-flow mode, as presented in Figure
6.9b. The plasma temperature in photosphere is lower than in the chromosphere. So,
we interpret these downflows as resulting from the identified upflow caused by the
new emerging flux tubes, that carry the photospheric cool mass to higher layers in
the center of the filament. These upflows reach more than 1 kms−1 in the filament
center. Thus, the cool material flows down from the upper chromosphere to the
photosphere, along with the field lines, towards the region with strong magnetic field.
The significant difference between the velocity in chromosphere and photosphere,
suggest the presence of a shock in between the chromospheric and photospheric
layers. A next step for this study, is to analyze where this shocks can happen,
between the two layers.
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8 Summary and Conclusions
We observed an emerging flux region over the NOAA AR 12252, with flux tubes
emerging through the photosphere into chromosphere. In the chromosphere it is
identified as an arch filament system, with dark filaments, crossing the polarity inversion line, and connecting the footpoints of opposite polarity. The active region,
observed in the continuum, is composed by a sunspot and many pores with a large
penumbral region among them. The observation was performed with the GRIS spectrograph installed in the 1.5 m GREGOR telescope. The GRIS scanned the active
region, with a field of view of 34.2 × 46.6 Mm, achieving a spatial resolution of
about 90 km.
The data reduction of the GREGOR/GRIS observation was conducted on-site applying the GRIS data pipeline. It includes the flat-field and dark current correction,
crosstalk removal and calibration of the modulation matrix. The pre-processing was
employed by calibrating the wavelength scale, obtaining the Stokes I continuum, and
fitting it with the FTS atlas. We determined that the noise level of the Stokes dataset
was about 1.10 × 10−3 Ic , with a minimum discernible structure of about 0.45”. The
seeing condition was computed by using the Fried parameter, resulting on an average
value of 10 cm, which is considered a good seeing along all the observation.
The filaments over the AR 12552 were observed in the Stokes I of the He i 10830
Å triplet. The most extended filament present a length of about 15.69 Mm and a
width of about 2.7 Mm. We investigate the temporal evolution of the emerging flux
region by using the SDO/HMI magnetograms, for a period of 48 h, centered in the
GRIS observation time. It is evident the presence of an emerging flux region, with
a positive flux of 7.35 × 1021 W b in the chromosphere, and 1.53 × 1022 W b in the
photosphere.
The Doppler velocity was determined by both the photosphere and chromosphere,
assuming the absorption line follow a Voigt profile. For the chromosphere, the LOS
velocity was performed by using the red component of the He line; once the blue
component is superposed by a Ca i line. The red component is a blend of two spectral
He i lines placed at 10830.25 Å and 10830.33 Å. Thus, we implemented with success
a double Voigt profile to fit the dual-flow.
The photospheric Doppler map presented a range of velocities from -3 to +3 kms−1 .
While in the chromosphere the LOS velocity reaches more than 40 kms−1 in the
faster component. However, the dual-flow is only necessary when the LOS velocity
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in chromosphere is very hight. We noted that when the speed is less than 7 kms−1 ,
the dual-flow model presents a large fitting error. However, when the velocity in the
chromosphere is supersonic, the dual-flow has a better fitting than the single-flow.
Therefore, we assumed that the dual-flow need to be employed for speeds faster than
10 kms−1 , while the single-flow for velocities lower than that.
The supersonic downflows were found in the footpoints of the arch filaments, and
presented a very symmetric Doppler gradient from the center to the footpoints. We
interpret these downflows as caused by the upward motions of new emerging flux
tubes, that lead the photospheric material to higher layers close to the center of
the filament. These upflows reach more than 1 kms−1 in the filament center. Thus,
the material flows down from the upper chromosphere to the photosphere, along
the field lines. The significant difference between the velocities in chromosphere and
photosphere, suggest the presence of a shock in between the chromospheric and
photospheric layers. A next step for this study, is to analyze where this shocks can
happen, between the two layers.
We computed the magnetic field vector for each pixel that composes the GRIS
scanning. To perform it, we made use of the full Stokes profiles of both Si i 10827
Å and He i 10830 Å lines. The magnetic field vector was computed by using the
HeLIx+ code. The best results were obtained by considering two atmospheres for
both Si i and He i. For the Si, the atmospheres are composed of one magnetic
component and one field-free component. For the He i line we also have better
results with two atmospheres. However, the second atmosphere was considered only
for the pixels that present a large redshift in the fast component of the He i triplet.
The other parameters retrieved from the inversion are: the magnetic field strength
(B), the azimuth (χ), inclination angle (γ), Doppler velocity (vLOS ), Doppler width
(∆λD ), damping constant (a), slope of the source function (S1), and the opacity ratio
between spectral line center and continuum (η0 ). These parameters were computed
for each atmosphere.
We computed the magnetic field over the arch filament region, which presented
an average strength of about 590 G in the chromosphere and about 1060 G in
the photosphere. In the chromosphere, the LOS magnetic field component, over the
filament, presented a weak field. However, it is due to the strong transverse magnetic
flux, concentrated in the direction of the flux tubes. The magnetic field vector in
the center of the filament presented an inclination angle of about 90° with respect
to the line of sight. The LOS magnetic field in the photosphere and chromosphere
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presented a significant correlation coefficient, hRi = 0.843, over the filaments. An
explanation is that the magnetic flux tubes emerging in the EFRs, follow a close
inclination angle along the distance.
It was developed a code to determine the polarity inversion line by using the magnetic field vector retrieved from the inversion. We implemented it for both the photosphere and upper chromosphere. The computed PIL presented an error of less
than 2° for the photosphere, and the most substantial error was about 6° for the
chromosphere, the error increases because the faint Stokes V in He i 10830 Å due
to low magnetic field strength.
The determination of the magnetic field from the Zeeman effect produces a nonunique solution for the azimuth component. To solve this azimuth ambiguity, we
adapted the SFQ code to our dataset. We then analyzed the result of the azimuth
correction, by comparing the map of the transverse magnetic field vector with the
one obtained from the SDO/HMI. The method presented very accurate results for
the photospheric magnetograms. Some necessary adjustments were implemented so
that we have the azimuth correction for the He i triplet.
It was estimated the difference in the formation height of the Si i 10827 Å line
and the He i 10830 Å triplet, over the region of the AFS. The formation height
was determined by using the separation between the neutral lines of the Si and He,
observed in the Stokes V profiles. This separation is derived from the neutral line
projection in the solar disk, observed at µ = cos(θH ) = 0.75, away from the disk
center. We determine that the formation height of the He i triplet was 1.72 Mm
above the Si i formation height. The mean magnetic field strength in the filaments
is about 590 G in the chromosphere and 1060 G in the photosphere. Adopting the
difference between the formation height of He i and Si i, we can conclude that the
vertical gradient of the magnetic field strength is about 273 GMm−1 .
Solanki et al. (2003) have introduced a reconstruction technique to capture the
three-dimensional magnetic field structure of an emerging flux region. The procedure
assumes the He i is populated along the magnetic flux tube as it emerges through
the chromosphere until reaching the corona. We verified the ratio of the line core to
continuum absorption coefficient (η0 ), and find that η0 becomes larger in the region
over the tallest arch filament, indicating the He line core is optically thick. Using
the reconstructed loop geometry, we estimate that the tallest reconstructed loop
reached its top at the height of 5.5 Mm from the footpoint, at the level of the He i
line formation.
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To better understand the retrieved magnetic connectivities within the active region,
we constructed a linear force-free model by using both photospheric and chromospheric magnetic field in the line of sight, as the input for the extrapolation. We
identified the flux tubes connecting the leading sunspot to the trailing pores over
the region of the AFS. The direction of the magnetic field vector in the LFF extrapolation presented a good correlation with the vector projection previous computed,
confirming that the azimuth ambiguity was properly performed. As a next step, we
intend to implement a non-linear force-free field extrapolation (NLFFF) by using the
magnetic field vector retrieved for the both Si i 10827 Å line and He i 10830 Å triplet,
to identify the potential multiple flux ropes and provide a better representation of
the filaments.
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